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Outline

• Core-collapse supernovae.

• Explosion mechanism and neutrino signatures. 

• Neutrino flavor oscillations in the supernova envelope. 

• Supernova neutrino detectors and detection perspectives.  

• Pre-supernova neutrinos.

• Supernova neutrino diffuse background.



Thermonuclear vs. Core-Collapse SNe
Comparable energy release in photons: 3 x 10   ergs.  51

Core collapse SN (type II, Ib/c)

• Degenerate iron core of massive star
• Accretes matter by nuclear burning at its 
surface.

Collapse to nuclear density. 
Implosion and explosion.

Powered by gravity.

99% of energy into neutrinos.

Thermo-nuclear SN (type Ia)

• Binary system with one white dwarf (remnant 
of low-mass star)
• Accretes mass from companion

Nuclear burning of C and O ignites nuclear 
deflagration.

Powered by nuclear binding energy.

Negligible amount of neutrinos.



Supernova Spectral Classification

Table from G. Raffelt.

Georg Raffelt, MPI Physics, Munich Neutrinos in Astrophysics and Cosmology, NBI, 23–27 June 2014 

Spectral Classification of Supernovae 

No Hydrogen Hydrogen Spectrum 

No Silicon Silicon 

No Hydrogen Hydrogen 
Spectrum 

Spectral Type Ib Ic II Ia 

No Helium Helium 

No Silicon Silicon 

No Hydrogen Hydrogen 

Spectrum 

Physical 
Mechanism 

Nuclear 
explosion of 

low-mass star 

Core collapse of evolved massive star 
(may have lost its hydrogen or even helium 

envelope during red-giant evolution) 

Light Curve Reproducible Large variations 

Compact 
Remnant None Neutron star (typically appears as pulsar) 

Sometimes black hole  

Rate / h2 SNu 0.36 r 0.11 0.71 r 0.34 0.14 r 0.07 

Observed Total  a 6400 as of 2014 (Asiago SN Catalogue) 

Neutrinos a 100 u Visible energy Insignificant 
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Core-Collapse Supernova Explosion
Massive stars collapse ejecting the outer mantle by means of shock-wave driven explosions.

neutrino 
cooling 

by diffusion

Implosion 
(Collapse)

Explosion



Numbers

1% kinetic explosion energy

Gravitational binding energy

99% neutrinos

Eb ' 3⇥ 1053 erg ' 17% Msunc
2

L⌫ ' 3⇥ 1053 erg

3 s
' 3⇥ 1019Lsun

0.01% photons

Nucleon mean kinetic energy

10 CAPITOLO 2. SUPERNOVAE CON COLLASSO DEL NUCLEO

Si ha, pertanto, un breve ma intenso flusso di neutrini di energia totale
pari a 1051 erg.

• Fase 5: stagnazione dell’onda d’urto e formazione della proto-stella di
neutroni (immagine in basso a sinistra). L’onda d’urto perde vigore e
ha luogo una fase di accrescimento (⇠ 300 ms). Al centro della stella
che sta collassando si crea una proto-stella di neutroni (proto-neutron
star, PSN). La proto-stella diventerà una stella di neutroni o un buco
nero a seconda che la sua massa sia minore o maggiore di 25 M�. La
proto-stella è ricca di protoni, elettroni degeneri e neutrini. Questi
ultimi, durante la fase di ra↵reddamento del nucleo della proto-stella,
di↵ondono liberamente abbandonando la neutrino-sfera (R⌫ ⇠ 50 km) e
trasportando il 99% dell’energia rilasciata nel collasso della stella. Parte
di tale energia è depositata negli strati tra la proto-stella ed il fronte
dell’onda d’urto che ha perso energia, attraverso le reazioni n⌫e ! e�p e
p⌫̄e ! e+n. Questo consentirebbe all’onda d’urto di rigenerarsi secondo
quanto previsto dallo scenario di esplosione ritardata [13], confermato
dall’analisi condotta da Loredo e Lamb [14].

• Fase 6: rigenerazione dell’onda d’urto (immagine in basso a destra).
Gli strati riscaldati iniziano ad espandere creando tra il fronte dell’onda
d’urto e la superficie della stella di neutroni una regione a bassa den-
sità e ad alta temperatura, denominata bolla calda. La crescita della
pressione in questa zona permette all’onda d’urto di riacquistare vigore
dando luogo all’esplosione. Il raggio della neutrino-sfera decresce fino
a R⌫ ⇠ 10 km.

Si intende, ora, dare una stima approssimativa del numero di neutrini
prodotti durante l’esplosione. L’energia cinetica media hEki di un nucleone,
di massa mN , sulla superficie di una stella di neutroni, è:

hEki '
1

2

GNMnsmN

Rns

' 25 MeV , (2.1)

ove con GN è indicata la costante di gravitazione universale, Rns ' 15 km
è il raggio della stella di neutroni (neutron star, ns) e Mns ' 1.4 M� è la
massa della stella di neutroni.

Poiché densità e temperatura sono tali da portare, approssimativamente,
i neutrini all’equilibrio termico entro alcuni secondi, per la legge di equipar-
tizione dell’energia ci si aspetta:

T⌫ '
2

3
hEki . (2.2)

with                         and                      .Rns ' 15 kmMns ' 1.4 M�

Energy equipartition
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Gravitational energy released during neutron star collapse (Gauss theorem) 

2.2. MODELLO DI RIFERIMENTO 11

Applicando il teorema di Gauss, si dimostra che l’energia gravitazionale
rilasciata durante il collasso di una stella di neutroni è [15]:

Eg ⇡
3

5

GNM2

ns

Rns

= 1.7⇥ 1059 MeV . (2.3)

Poiché solo l’1% di Eg si trova sotto forma di energia cinetica legata all’e-
splosione, i neutrini complessivamente generati durante l’esplosione sono in
numero circa pari a Eg/T⌫ ⇠ 1058.

2.2 Modello di riferimento

In questo paragrafo si descrivono gli spettri di energia dei neutrini, il modello
a bulbo per l’emissione di neutrini da una supernova ed il profilo di densità di
materia cui i neutrini sono soggetti entro una supernova. Fra le varie scelte
possibili, si identifica un modello di riferimento per poter e↵ettuare calcoli
numerici ed analitici.

2.2.1 Spettri di energia dei neutrini

I valori specifici delle energie medie dei neutrini, cos̀ı come la luminosità L⌫

(energia emessa per unità di tempo), sono dipendenti dal particolare modello
impiegato. In generale, ⌫µ, ⌫⌧ e i rispettivi antineutrini, avendo solo intera-
zioni da correnti neutre, hanno energie medie più grandi rispetto a quelle
dei neutrini elettronici, mentre ⌫e e ⌫̄e hanno anche interazioni con correnti
cariche del tipo: ⌫en ! pe� e ⌫̄ep ! ne+. Inoltre, dopo la neutronizzazione,
l’atmosfera della proto-stella di neutroni è ricca di neutroni, e i ⌫e interagi-
scono più frequentemente degli ⌫̄e. Questi ultimi, quindi, sono tipicamente
più energetici [16]. Le energie medie sono ordinate come segue:

hE⌫
e

i < hE⌫̄
e

i < hE⌫
µ,⌧

, ⌫̄
µ,⌧

i . (2.4)

Le simulazioni riportate in letteratura mostrano che, durante le fasi di ac-
crescimento e ra↵reddamento, l’emissione di neutrini è caratterizzata da
un’approssimata equipartizione delle luminosità. Nel seguito si assumerà
L⌫ = 1051 erg/s per tutte le specie di neutrini, con la seguente gerarchia
delle energie medie [17]:

hE⌫
e

i ' 10� 12 MeV , hE⌫̄
e

i ' 14� 17 MeV , hE⌫
µ,⌧

, ⌫̄
µ,⌧

i ' 24� 27 MeV .
(2.5)
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dei neutrini elettronici, mentre ⌫e e ⌫̄e hanno anche interazioni con correnti
cariche del tipo: ⌫en ! pe� e ⌫̄ep ! ne+. Inoltre, dopo la neutronizzazione,
l’atmosfera della proto-stella di neutroni è ricca di neutroni, e i ⌫e interagi-
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1% of      goes into kinetic explosion energy. Therefore, the expected number of neutrinos is Eg



SN 1987A
The last known core-collapse supernova near our galaxy is the SN 1987A. 

Its neutrino burst observation was the first verification of stellar evolution mechanism.

SN 1987A (Feb. 23, 1987)Sanduleak -69° 202



SN 1987A
Few detectors were able to detect SN 1987A neutrinos. 

Time distribution of SN 1987A events
water Cherenkov detector (11 events)
water Cherenkov detector (8 events)

scintillator telescope (5 events)



General Features of Neutrino Signal

Figure: 1D spherically symmetric SN simulation (M=27 M    ), Garching group. sun
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Figure 4-1: Three phases of neutrino emission from a core-collapse SN, from left to right: (1) Infall,
bounce and initial shock-wave propagation, including prompt νe burst. (2) Accretion phase with
significant flavor differences of fluxes and spectra and time variations of the signal. (3) Cooling of
the newly formed neutron star, only small flavor differences between fluxes and spectra. (Based on a
spherically symmetric Garching model with explosion triggered by hand during 0.5–0.6 ms [168,169].
See text for details.) We show the flavor-dependent luminosities and average energies as well as
the IBD rate in JUNO assuming either no flavor conversion (curves ν̄e) or complete flavor swap
(curves ν̄x). The elastic proton (electron) scattering rate uses all six species and assumes a detection
threshold of 0.2 MeV of visible proton (electron) recoil energy. For the electron scattering, two
extreme cases of no flavor conversion (curves no osc.) and flavor conversion with a normal neutrino
mass ordering (curves NH) are presented.
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Explosion Mechanism



• 3D SN simulations: Benchmark models to test neutrino-driven mechanism. 

• Long-term 3D SN simulations not yet available. 3D modeling yet to be refined.

Supernova Simulations: 3D Frontier 

Figure adapted from Melson et al., ApJ (2015).

2 Melson et al.

Fig. 1.— 3D iso-entropy surfaces for di↵erent times after bounce for exploding model 3Ds. Colors represent radial velocities. The supernova shock is visible
by a thin surrounding line, the proto-neutron star by a whitish iso-density surface of 1011 g cm�3. The yardstick indicates the length scale. Strong SASI activity
occurs between ⇠120 ms and ⇠280 ms. (An animation and interactive version of this figure are available in the HTML version of this article.)

still be missing in the models. One of the aspects to be scruti-
nized are the pre-collapse initial conditions, which result from
1D stellar evolution modeling. Couch & Ott (2013), Couch
et al. (2015), and Müller & Janka (2015) indeed confirmed
speculations that large-amplitude perturbations of low-order
modes in the convective shell-burning layers (e.g., Arnett &
Meakin 2011, and references therein) might facilitate the de-
velopment of explosions. Further progress will require 3D
modeling of the final stages of stellar evolution.

Here we demonstrate that remaining uncertainties in the
neutrino opacities, in particular the neutrino-nucleon interac-
tions at subnuclear densities, can change the outcome of 3D
core-collapse simulations. As an example we consider pos-
sible strange-quark contributions to the nucleon spin in their
e↵ect on weak neutral-current scatterings. We show that a
moderate isoscalar strange-quark contribution of gs

a = �0.2 to

the axial-vector coupling constant ga = 1.26, which is not far
from current experimental results, su�ces to convert our pre-
vious non-exploding 20 M� 3D core-collapse run into a suc-
cessful explosion.

We briefly describe our numerical approach in Sect. 2, sum-
marize basic facts about the strange-quark e↵ects in neutrino-
nucleon scattering in Sect. 3, discuss our results in Sect. 4,
and conclude in Sect. 5.

2. NUMERICAL SETUP AND PROGENITOR MODEL

We performed 2D and full (4⇡) 3D simulations of a nonro-
tating, solar-metallicity 20 M� pre-SN progenitor (Woosley &
Heger 2007).

We used the Prometheus-Vertex hydrodynamics code with
three-flavor, energy-dependent, ray-by-ray-plus (RbR+) neu-
trino transport including the full set of neutrino reactions and
microphysics (Rampp & Janka 2002; Buras et al. 2006) ap-

t=250 ms
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modes in the convective shell-burning layers (e.g., Arnett &
Meakin 2011, and references therein) might facilitate the de-
velopment of explosions. Further progress will require 3D
modeling of the final stages of stellar evolution.

Here we demonstrate that remaining uncertainties in the
neutrino opacities, in particular the neutrino-nucleon interac-
tions at subnuclear densities, can change the outcome of 3D
core-collapse simulations. As an example we consider pos-
sible strange-quark contributions to the nucleon spin in their
e↵ect on weak neutral-current scatterings. We show that a
moderate isoscalar strange-quark contribution of gs

a = �0.2 to

the axial-vector coupling constant ga = 1.26, which is not far
from current experimental results, su�ces to convert our pre-
vious non-exploding 20 M� 3D core-collapse run into a suc-
cessful explosion.

We briefly describe our numerical approach in Sect. 2, sum-
marize basic facts about the strange-quark e↵ects in neutrino-
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SN shock radius

Proto-neutron star



Supernova Explosion Mechanism

Review papers: Janka (2012). Mirizzi, Tamborra et al. (2016). 
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Stalled shock 
wave must 
receive energy to 
start reexpansion 
against ram 
pressure of 
infalling stellar 
core.
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receive fresh 
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Shock wave 
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Shock wave

★ Shock wave forms within the iron core. 
It dissipates energy dissociating iron layer.

★ Neutrinos provide energy to stalled 
shock wave to start re-expansion. 
(Delayed Neutrino-Driven Explosion.)

★ Convection and shock oscillations 
(standing accretion shock instability, 
SASI) enhance efficiency of neutrino 
heating and revive the shock.



3D SN simulations show that SASI and convection leave imprints on the neutrino signal.

SASI Modulations

Tamborra, Hanke, Mueller, Janka, Raffelt, PRL (2013), PRD (2014). Hanke et al., ApJ 770 (2013) 66.

Neutrinos probe SN dynamics in 3D 7
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Figure 6. Neutrino flux properties for the 27 M⊙ SN progenitor as seen from a distant observer. For νe, ν̄e and νx we show the luminosity,
average energy and shape parameter α as a function of the time along direction 1 and direction 2 (respectively correspondent to the cyan
and dashed black curves in Fig. 5).

that the real flux expected by SN neutrinos the most re-
alistic scenario would be a mixture of the non-oscillated
ν̄e and ν̄x.
For this reason, in the following we will consider the

signal expected from a non-oscillated ν̄e as well as the
other extreme possible scenario of detection of neutrino
signal, i.e., when full flavor swapping between ν̄e and νx
occurs.

5. SUPERNOVA DYNAMICS DETECTION WITH
WATER CHERENKOV DETECTORS

In this Section, we briefly describe the detection
chances of the modulation of the neutrino signal with
water-Cherenkov detectors. After a brief description
of IceCube and Hyper-Kamiokande detector models, we
will focus on the detection of SASI modulation of the
neutrino signal.

5.1. Icecube and Hyper-Kamiokande Detector Models

In the largest operating detectors, IceCube and Super-
Kamiokande, neutrinos are primarily detected by in-
verse beta decay (IBD), ν̄e + p → n + e+, through the

Cherenkov radiation of the final-state positron. We will
ignore the small additional contribution from elastic scat-
tering on electrons. The signature for fast-time varia-
tions is limited by random fluctuations (shot noise) of
the detected neutrino time sequence. In IceCube (Ab-
basi et al. 2011), usually at most one Cherenkov photon
from a given positron is detected, i.e., every measured
photon signals the arrival time of a neutrino and in this
sense provides superior signal statistics. In rare cases,
two or more photons from a single neutrino are detected,
depending on neutrino energy, allowing one to extract in-
teresting spectral information from time-correlated pho-
tons (Salathe et al. 2012), but this intriguing effect is not
of interest here.
The instantaneous signal count rate caused by IBD in

a single optical module (OM) is (Abbasi et al. 2011)

rIBD = np

∫

dEe

∫

dEν Fν̄e(Eν)σ
′(Ee, Eν)Nγ(Ee)V

eff
γ ,
(1)

where np = 6.18 × 1022 cm−3 is the number density
of protons in ice (density 0.924 g cm−3), Ee is the
final-state positron energy, V eff

γ = 0.163 × 106 cm3 the
average effective volume for a single photon detection,
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Figure 6. Neutrino flux properties for the 27 M⊙ SN progenitor as seen from a distant observer. For νe, ν̄e and νx we show the luminosity,
average energy and shape parameter α as a function of the time along direction 1 and direction 2 (respectively correspondent to the cyan
and dashed black curves in Fig. 5).

that the real flux expected by SN neutrinos the most re-
alistic scenario would be a mixture of the non-oscillated
ν̄e and ν̄x.
For this reason, in the following we will consider the

signal expected from a non-oscillated ν̄e as well as the
other extreme possible scenario of detection of neutrino
signal, i.e., when full flavor swapping between ν̄e and νx
occurs.

5. SUPERNOVA DYNAMICS DETECTION WITH
WATER CHERENKOV DETECTORS

In this Section, we briefly describe the detection
chances of the modulation of the neutrino signal with
water-Cherenkov detectors. After a brief description
of IceCube and Hyper-Kamiokande detector models, we
will focus on the detection of SASI modulation of the
neutrino signal.

5.1. Icecube and Hyper-Kamiokande Detector Models

In the largest operating detectors, IceCube and Super-
Kamiokande, neutrinos are primarily detected by in-
verse beta decay (IBD), ν̄e + p → n + e+, through the

Cherenkov radiation of the final-state positron. We will
ignore the small additional contribution from elastic scat-
tering on electrons. The signature for fast-time varia-
tions is limited by random fluctuations (shot noise) of
the detected neutrino time sequence. In IceCube (Ab-
basi et al. 2011), usually at most one Cherenkov photon
from a given positron is detected, i.e., every measured
photon signals the arrival time of a neutrino and in this
sense provides superior signal statistics. In rare cases,
two or more photons from a single neutrino are detected,
depending on neutrino energy, allowing one to extract in-
teresting spectral information from time-correlated pho-
tons (Salathe et al. 2012), but this intriguing effect is not
of interest here.
The instantaneous signal count rate caused by IBD in

a single optical module (OM) is (Abbasi et al. 2011)

rIBD = np

∫

dEe

∫

dEν Fν̄e(Eν)σ
′(Ee, Eν)Nγ(Ee)V

eff
γ ,
(1)

where np = 6.18 × 1022 cm−3 is the number density
of protons in ice (density 0.924 g cm−3), Ee is the
final-state positron energy, V eff

γ = 0.163 × 106 cm3 the
average effective volume for a single photon detection,

 Close to the SASI plane
(optimistic observer direction, 27 M     ) sun



 Tamborra et al., PRL (2013), PRD (2014). Lund et al., PRD (2010).

SASI Modulations

Neutrinos test dynamics of supernova explosion.

2

tum distribution to be axisymmetric around the radial
direction everywhere, implying that the neutrino fluxes
are radial. The detectable energy-dependent neutrino
emission from the hemisphere facing an observer is de-
termined with a post-processing procedure that includes
projection and limb-darkening effects [30]. We will use
the 27M⊙ model as our benchmark case because its prop-
erties have been published [15]. Details of the other two
simulations will be provided elsewhere [47].
Detector signal.—In the largest operating detectors,

IceCube and Super-K, neutrinos are primarily detected
by inverse beta decay, ν̄e+p → n+e+, through Cherenkov
radiation of the positron. We represent the neutrino
emission spectra in the form of Gamma distributions
[48, 49]. We estimate the neutrino signal following the
IceCube Collaboration [37], accounting for a ∼13% dead-
time effect for background reduction. We use a cross sec-
tion that includes recoil effects and other corrections [50],
overall reducing the detection rate by 30% relative to ear-
lier studies [20, 21, 51]. On the other hand, we increase
the rate by 6% to account for detection channels other
than inverse beta decay [37].
We assume an average background of 0.286 ms−1 for

each of the 5160 optical modules, i.e., an overall back-
ground rate of Rbkgd = 1.48× 103 ms−1, comparable to
the signal rate for a SN at 10 kpc. The IceCube data ac-
quisition system has been upgraded since the publication
of Ref. [37] so that the full neutrino time sequence will
be available instead of time bins.
IceCube will register in total around 106 events above

background for a SN at 10 kpc, to be compared with
around 104 events for Super-K (fiducial mass 32 kton),
i.e., IceCube has superior statistics. On the other hand,
the future Hyper-K will have a fiducial mass of 740 kton,
providing a background-free signal of roughly 1/3 the Ice-
Cube rate. Therefore, Hyper-K can have superior signal
statistics, depending on SN distance. In addition, it has
event-by-event energy information which we do not use
for our simple comparison.
Signal modulation in the 27M⊙ model.—To get a first

impression of the neutrino signal modulation we consider
our published 27M⊙ model [15], meanwhile simulated
until ∼550 ms. This model shows clear SASI activity at
120–260ms. At ∼220ms a SASI spiral mode sets in and
remains largely confined to an almost stable plane, which
is not aligned with the polar grid of the simulation. We
select an observer in this plane in a favorable direction
and show the expected IceCube signal in the top panel
of Fig. 1. One case assumes the signal to be caused by
anti-neutrinos emitted as ν̄e at the source, i.e., we ignore
flavor conversions. The other case takes into account
complete flavor conversion so that the signal is caused by
ν̄x, i.e., a combination of ν̄µ and ν̄τ . Both cases reveal
large signal modulations with a clear periodicity.
The first SASI episode ends abruptly with the accre-

tion of the Si/SiO interface, followed by large-scale con-
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FIG. 1: Detection rate for our 27 M⊙ SN progenitor, upper
panels for IceCube, bottom one for Hyper-K. The observer
direction is chosen for strong signal modulation, except for
the second panel (minimal modulation). Upper two panels:
IceCube rate at 10 kpc for ν̄e (no flavor conversion) and for
ν̄x (complete flavor conversion). The lower two panels include
a random shot-noise realization, 5ms bins, for the indicated
SN distances. For IceCube also the background fluctuations
without a SN signal are shown.

vection with much smaller and less periodic signal mod-
ulations (see also Figs. 1, 2, and 6 of Ref. [15]). After
about 410 ms, SASI activity begins again until the end
of our simulation. The signal modulation is now weaker,
partly owing to a lower SASI amplitude and partly to the
chosen observer direction being no longer optimal.
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Tamborra, Hanke, Janka, Mueller, Raffelt, Marek, ApJ (2014). See also: Janka, Melson, Summa, arXiv: 1602.05576.

Intriguing New Features in 3D

2 Tamborra et al.

Figure 1. Lepton-number flux (⌫e minus ⌫̄e) for our 11.2 M� model as a function of direction for the indicated times post bounce. The latitudes and longitudes,
indicated by dotted lines, correspond to the angular coordinates of the polar grid of the numerical simulation. The flux in each panel is normalized to its average,
i.e., the quantity (F⌫e � F⌫̄e )/hF⌫e � F⌫̄e i is color coded. The lepton-number emission asymmetry is a large-scale feature which at later times has clear dipole
character. The black dots indicate the positive dipole direction of the flux distribution, the black crosses mark the negative dipole direction. The dipole track
between 70 and 340 ms is shown as a dark-gray line. Once the dipole is strongly developed, its direction remains essentially stable and shows no correlation with
the x-, y-, and z-axes of the numerical grid. The dipole direction is also independent of polar hot spots, which are persistent, local features of moderate amplitude
and an artifact connected with numerical peculiarities near the z-axis as coordinate singularity of the polar grid.

expands the shock, increases the gain layer and, again, can
enhance the e�ciency of neutrino-energy deposition (Marek
& Janka 2009) even when convection is weak or its growth
is suppressed because of a small shock-stagnation radius
and correspondingly fast infall velocities in the gain layer
(Foglizzo, Scheck, & Janka 2006; Scheck et al. 2008). This
nonradial instability was first observed in 2D simulations with
a full 180� grid (Janka & Müller 1996; Mezzacappa et al.
1998; Janka et al. 2003, 2004), but not immediately rec-

ognized as a new e↵ect beyond large-scale convection. It
was unambiguously identified in 2D hydrodynamical simu-
lations of idealized, adiabatic (and thus non-convective) post-
shock accretion flows (Blondin, Mezzacappa, & DeMarino
2003). SASI was found to possess the highest growth rates
for the lowest-order (dipole and quadrupole) spherical har-
monics (Blondin & Mezzacappa 2006; Foglizzo et al. 2007;
Iwakami et al. 2008) and to give rise to spiral-mode mass
motions in 3D simulations (Blondin & Mezzacappa 2007;
Iwakami et al. 2009; Fernández 2010; Hanke et al. 2013) or
in 2D setups without the constraint of axisymmetry (Blondin
& Mezzacappa 2007; Yamasaki & Foglizzo 2008; Foglizzo
et al. 2012). The instability can be explained by an advective-
acoustic cycle of amplifying entropy and vorticity perturba-
tions in the cavity between accretion shock and PNS surface
(Foglizzo 2002; Foglizzo et al. 2007; Scheck et al. 2008;
Guilet & Foglizzo 2012) and has important consequences for
NS kicks (Scheck et al. 2004, 2006; Nordhaus et al. 2010b,
2012; Wongwathanarat, Janka, & Müller 2010, 2013) and
spins (Blondin & Mezzacappa 2007; Rantsiou et al. 2011;
Guilet & Fernández 2013), quasi-periodic neutrino emission
modulations (Marek, Janka, & Müller 2009; Lund et al.
2010; Tamborra et al. 2013), and SN gravitational-wave sig-

nals (Marek, Janka, & Müller 2009; Murphy, Ott, & Burrows
2009; Müller, Janka, & Marek 2013).

We here report the discovery of a new type of low-mode
nonradial instability, LESA, which we have observed in 3D
hydrodynamical simulations with detailed, energy-dependent,
three-flavor neutrino transport using the Prometheus-Vertex
code. Our current portfolio of simulated 3D models in-
cludes an 11.2 M� model that shows violent large-scale con-
vection but no obvious signs of SASI activity during the sim-
ulated period of postbounce evolution, a 20 M� model with
a long SASI phase, and a 27 M� model in which episodes of
SASI alternate with phases of dominant large-scale convec-
tion (Hanke et al. 2013; Tamborra et al. 2013). While all
models exhibit LESA, with di↵erent orientations of the emis-
sion dipole, the clearest case is the 11.2 M� model, because
the new e↵ect is not overlaid with SASI activity.

To provide a first impression of our new and intriguing phe-
nomenon we show in Fig. 1 the distribution of lepton-number
emission (⌫e minus ⌫̄e) for the 11.2 M� model over the stel-
lar surface at postbounce (p.b.) times of 148, 169, 210, and
240 ms. In each panel, the lepton-number flux is normalized
to the instantaneous average and the color scale covers the
range from �0.5 to 2.5 of this relative measure. We indicate
the positive dipole direction with a black dot, the negative
direction with a cross. We also show the track of the posi-
tive dipole direction as a dark-gray line, ranging from 70 ms
p.b., where the dipole begins forming, to the end of the sim-
ulation at 340 ms. While at 148 ms the dipole pattern is not
yet strong—a quadrupole component is clearly visible and
the dipole is still building up as we will see later—the subse-
quent snapshots reveal a strong dipole pattern with large am-
plitude: In the negative-dipole direction, the lepton-number

Neutrino lepton-number flux for the 11.2 M      progenitor [                               ]. (F⌫e � F⌫̄e)/hF⌫e � F⌫̄eisun

Lepton-number emission asymmetry (LESA) is a large-scale feature with dipole character. 

Once the dipole develops, its direction remains stable. No-correlation with numerical grid.  

positive dipole direction                   



Neutrino Energy Spectra

Neutrino flux spectra in opposite LESA directions (11.2 Msun, t = 210 ms)

Fluxes strongly vary with the observer direction.  

Maximum lepton-number flux direction 

⌫e

⌫e

⌫
x

Minimum lepton-number flux direction 
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⌫
x

Tamborra, Hanke, Janka, Mueller, Raffelt, Marek, ApJ (2014). See also: Janka, Melson, Summa, arXiv: 1602.05576.

Potential relevant implications for SN nucleosynthesis, neutron-star kicks, flavor conversions. 



Flavor Oscillations in Supernovae



Neutrinos in supernovae interact with matter and among each other.

Neutrino Interactions in Supernovae

We still need 
to learn a lot!

Understood 
phenomenon.

interactions� � �

Non-linear phenomenon

Pantaleone, PLB 
287 (1992) 128
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SN Neutrino Equations of Motion

Matter term 
[MSW resonant conversion] [neutrino self-interactions]

interaction term⌫ � ⌫

Georg Raffelt, MPI Physics, Munich Neutrino Astrophysics and Fundamental Properties, INT, Seattle, June 2015 

Symmetry Assumptions 
Neutrino transport and flavor oscillations: 7D problem 
 

     𝜕𝑡 + 𝑣 ⋅ 𝛻𝑥 + 𝐹 ⋅ 𝛻𝑝  𝜌 𝑡, 𝑥 , 𝑝 = −𝑖 𝐻 𝑡, 𝑥 , 𝑝 , 𝜌 𝑡, 𝑥 , 𝑝 + 𝒞[𝜌 𝑡, 𝑥 , 𝑝 ] 

Ignore collision term: 
Free streaming 

Ignore external forces 
(e.g. no grav. deflection) 

Includes vacuum, matter, 
nu-nu refraction 

• Homogeneous, isotropic system evolving in time (“early universe”) 
   or 1D homogeneous evolving in time (“colliding beams”) 
 

      𝜕𝑡𝜌 𝑡, 𝐸 = −𝑖 𝐻 𝑡, 𝐸 , 𝜌 𝑡, 𝐸  

• Stationary, spherically symmetric, evolving with radius (“supernova”) 
 

     𝑣𝑟𝜕𝑟𝜌 𝑟, 𝐸, 𝜃 = −𝑖 𝐻 𝑟, 𝐸, 𝜃 , 𝜌 𝑟, 𝐸, 𝜃  

Zenith angle of nu momentum 𝑝  
Radial velocity depends on 𝜃, leads to multi-angle matter effect  

• Ordinary differential equations in “time” or “radius” with maximal symmetries 
 

• Misses dominant solutions (spontaneous symmetry breaking) 

Collision term 
(negligible) 

External forces 
(negligible)

Vacuum term

Full neutrino transport + flavor oscillations = 7D problem!

Simplifications required!

Challenging problem:

• Stiff equations of motion, involving non-linear term (nu-nu interactions).

• Quantities changing on very different time scales involved. 



with the Hamiltonian defined as
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vacuum term
matter term 

[MSW resonant conversion]

HE,� =

UM2U†

2E
+

p
2GF Nl + 2�

p
2GF

Z
dE

Z
d cos⇥�

(⇤E,�0 � ⇤̄E,�0
) (1� cos⇥ cos⇥�

)HE,� =

UM2U†

2E
+

p
2GF Nl + 2�

p
2GF

Z
dE

Z
d cos⇥�

(⇤E,�0 � ⇤̄E,�0
) (1� cos⇥ cos⇥�

)HE,� =

UM2U†

2E
+

p
2GF Nl + 2�

p
2GF

Z
dE

Z
d cos⇥�

(⇤E,�0 � ⇤̄E,�0
) (1� cos⇥ cos⇥�

)HE,� =

UM2U†

2E
+

p
2GF Nl + 2�

p
2GF

Z
dE

Z
d cos⇥�

(⇤E,�0 � ⇤̄E,�0
) (1� cos⇥ cos⇥�

)

The Hamiltonian for antineutrinos has the vacuum term with opposite sign.

[neutrino self-interactions]
interaction term⌫ � ⌫

We assume to have a system that is stationary, spherically symmetric, evolving with radius.

Stationary & Spherically-Symmetric SN



Nu-Nu and Matter Potentials
Supernova Neutrinos: Production, Oscillations and Detection

Fig. 22. – Snapshots of SN potentials for di↵erent post-bounce times (1.0�7.0 s) for a 27 M� SN
progenitor (see Sec. 2). The profile at 0.2 s is an illustrative case for a typical condition before
shock revival. The matter potential �r is drawn with thin curves, while the neutrino potential
µr with thick ones. The horizontal bands represent the vacuum oscillation frequencies relevant
for the MSW resonant conversions associated with �m

2 (!H) and �m

2 (!L), respectively (see
the text for details).

and collide with the (slower) SN ejecta, thus triggering a second (reverse) shock at

rrev = reverse shock radius ,(41)

which propagates (at lower velocity) behind the forward one [340]. Neutrinos may thus
encounter two subsequent density discontinuities, leading to significantly di↵erent spec-
tral features with respect to the case of a single discontinuity.

One expects that the matter term would lead to resonant flavor conversions via the
MSW e↵ect [261] when the matter potential is of the order of the vacuum oscillation
frequencies [Eq. (25)] !H,L [341], i.e.

�r ' !L,H .(42)

These oscillation frequencies are represented by the two horizontal strips in Fig. 22 for
a neutrino energy range E 2 [5 � 50] MeV. Note that resonant flavor conversions should
be expected for r 2 [103, 105] km.

Comparing the neutrino and matter density profiles, we realize that in the deepest
SN regions n⌫ � ne (r < 103 km, see t = 1.0 s in Fig. 22), except during the accretion

61

Nu-nu interactions relevant
MSW resonances

Neutrinosphere

� (matter potential)

µ (nu-nu potential)



Vacuum term in resonance with the matter term: Maximal flavor conversions (MSW effect).

Neutrino Interactions with Matter (MSW)

 Dighe and Smirnov, PRD (2000). 
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Nu-Nu Interactions: 
Stationary & Spherically-Symmetric SN 
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Bulb model
Duan et al., PRD74,105014(2006) 

Multi-angle effect: the interaction depends on 
the relative angle of the colliding neutrinos

When this angle is averaged out the single-angle approximation is obtained

The           term is non linear. It depends on the relative angle between colliding neutrinos⌫ � ⌫
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Neutrino light-bulb model



“Spectral splits”: For energies above a critical value, a full flavor swap occurs.

Generic features found in highly symmetric framework.

Collective neutrino flavor transitions in supernovae and the role of trajectory averaging 5
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Figure 1. Initial fluxes (at r = 10 km, in arbitrary units) for different neutrino species
as a function of energy. The fluxes are all proportional to φi(E)/⟨E⟩.

Rν being the neutrino-sphere radius, while Lν is the total emission power for a given

neutrino species. In numerical calculations, we assume reference values Rν = 10 km and

Lν = 1051 erg/s for each species ν = νe, νe, νx, νx.

Figure 1 shows the initial neutrino number fluxes per unit energy in arbitrary units
(all fluxes being proportional to φi(E)/⟨E⟩ through the same normalization constant).

Notice the significant difference (asymmetry) between neutrinos and antineutrinos, and

between different neutrino flavors. However, the νe and νx fluxes happen to coincide

at an energy Eeq ≃ 19 MeV, while for the νe and νx fluxes the equality occurs at

Eeq ≃ 24 MeV. Flavor transformations of any kind are not operative for neutrinos at

E = Eeq, and for antineutrinos at E = Eeq.
The spherical symmetry of emission reduces to a cylindrical symmetry along the

radial line-of-sight (polar axis). At any radius r > Rν along the polar axis, neutrinos will

arrive with different momenta p characterized by |p| = E, incident polar angle ϑ, and

azimuthal angle ϕ. In the calculation of self-interaction effects, the effective differential

neutrino number density dnp with momentum between p and p + dp is then [17]

dnp = jν(E)dΩ = jν(E) dϕ d cosϑ , (9)

within the cone of sight of the neutrino-sphere, with ϑ ∈ [0, ϑmax], being

ϑmax = arcsin(Rν/r) . (10)

In general, angular coordinates are important, since the interaction strength

between two neutrinos of momenta p and q depends on their relative angle ϑpq through

the factor (1−cos ϑpq). Calculations embedding the full angular coordinates are dubbed

“multi-angle.” The often used “single-angle” approximation consists in averaging the

angular factor along the polar axis, which is assumed to encode the same flavor history

of any other neutrino direction. In this case, the effective neutrino number density n

Collective neutrino flavor transitions in supernovae and the role of trajectory averaging 22
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Figure 8. Multi-angle simulation in inverted hierarchy: Final fluxes (at r = 200 km,
in arbitrary units) for different neutrino species as a function of energy. Initial fluxes
are shown as dotted lines to guide the eye.

Figure 8 shows the final (r = 200 km) ν and ν fluxes as a function of energy. The

neutrino spectral swap at E > Ec ≃ 7 MeV is rather evident in the left panel, although

it is less sharp with respect to the single-angle case in Fig. 5. In the right panel of Fig. 8,

the minor feature associated to the “antineutrino spectral split” is largely smeared out

(see the same panel in Fig. 5), and survives as a small excess of νe at low energy.

The spectra in Figure 8 are largely independent from the specific mixing value
chosen for the simulations (sin2 θ13 = 10−4), as far as θ13 > 0 (as we have also

checked numerically). Variations of sin2 θ13 only lead to logarithmic variations in

the (unobservable) synchronized-bipolar transition radius, and in the depth of bipolar

oscillations [43, 44], which are anyway smeared out in multi-angle simulations, as we

have just seen. Therefore, the spectra in Figure 8 may be taken as rather general

“initial conditions” for possible later (ordinary or stochastic) matter effects, occurring
when ω ∼ λ(r) at r ≫ 200 km. These later, ordinary matter effects are instead strongly

dependent on θ13, and vanish for, say, sin2 θ13 ∼< 10−5 (see, e.g., [7]). If θ13 is indeed that

small (but nonzero), neutrino self-interaction effects could be the only source of flavor

transformations in (anti)neutrino spectra.

In conclusion, for 0 < sin2 θ13 ∼< 10−5, the observable spectra at the SN exit

would be similar to those in Fig. 1 for the normal hierarchy case (no significant flavor
transformations of any kind), and to those in Fig. 8 for the inverted hierarchy case (large

self-interaction effects). For sin2 θ13 ∼> 10−5, the same spectra should be taken as “initial

conditions” for the calculation of subsequent MSW effects. Once more, we remark that

the decoupling of self-interaction and MSW effects is a characteristic of our adopted

SN model, inspired by shock-wave simulations [7]. The phenomenology becomes more

complicated in alternative models with shallow matter profiles, when both effects can
occur in the same region, as in the simulations performed in [17, 47].

Fluxes after neutrino self-interactions

Fluxes before oscillations

Stationary & Spherically-Symmetric SN

 Review papers: Duan, Fuller, Qian (2010). Mirizzi, Tamborra et al. (2016).
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unless the o↵-diagonal �
E,u

elements start growing by
the self-induced instability. To find the latter we linearize
the EoM in the small o↵-diagonal amplitudes.

Stability condition.—We study the instability driven
by the atmospheric �m

2 and the mixing angle ✓13 ⌧ 1,
we work in the two-flavor limit, and switch to the ! =
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2
/2E variable. We write the flux matrices in the form
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where F

e,x
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are the flavor fluxes at the inner boundary
radius R. The flux summed over all flavors, Tr�

!,u

, is
conserved in our free-streaming limit. The ⌫

e

survival
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(r)] in terms of the “swap fac-
tor” �1  s
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(r)  1. The o↵-diagonal element S
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is
complex and s
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|2 = 1.
The small-amplitude limit means |S

!,u

| ⌧ 1 and to
linear order s
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= 1. Assuming in addition a large dis-
tance from the source so that 1 � v

u

⌧ 1, the evolution
equation linearized in S
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and in u is [23]
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Weak-interaction e↵ects are encoded in the r-dependent
parameters with dimension energy
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p
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The factor R2
/2r2 signifies that only the multi-angle im-

pact of the ⌫-⌫ and matter e↵ects are relevant for the sta-
bility analysis, not the densities themselves. Both � and
µ depend on R, but so does the occupied u-range: phys-
ical results do not depend on the choice of R. We choose
R = 44.7 km such that the occupied u-range is 0–1. We
normalize the ⌫-⌫ interaction strength µ to the ⌫̄

e

-⌫̄
x

flux
di↵erence at R, i.e.

R 0
�1 d!

R 1
0 du g

!,u

= �1, but the only
physically relevant quantity is µ(r) g

!,u

. Our SN model
provides µ(R) = 1.73 ⇥ 104 km�1 and an “asymmetry”
" =

R
d! du g

!,u

= 0.35.
Writing solutions of the linear di↵erential equation,

Eq. (3), in the form S

!,u

= Q

!,u

e

�i⌦r with complex
frequency ⌦ = � + i and eigenvector Q

!,u

leads to the
eigenvalue equation [23],
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0) g
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0
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0
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where �̄ ⌘ � + "µ. The solution has to be of the form
Q

!,u

= (A+Bu)/(!+ u�̄�⌦). Solutions exist if µ�1 =
I1 ±

p
I0I2, where I

n

=
R
d! du g

!,u

u

n

/(! + u�̄ � ⌦).
The system is stable if all ⌦ are purely real. A possible
imaginary part, , is the exponential growth rate.

FIG. 3: Growth rate  for our SN model as a function of µ
for various � values as indicated.

Application to our SN model.—Ignoring the e↵ect of
matter (� = 0), we show (µ) for our 280 ms SN model
in Fig. 3. The system is essentially stable above µ of a
few 100 km�1. It is noteworthy that  is of the same
order as a typical ! of the g

!,u

distribution, in our case a
few km�1. We also show (µ) for � = 102 and 103 km�1

and observe a shift to larger µ-values [23].
In Fig. 4 we show contours of  in the (µ,�) plane. For

large µ and � values, the system is unstable for � ⇠ µ

[23]. In other words, if the local neutrino number density
is much smaller or much larger than the local electron
density, the system is stable.
We also show the locus of [µ(r),�(r)] along the radial

direction. Since µ(r) / r

�4, the red solid line in Fig. 4 is
essentially the SN density profile. The step-like feature
is the shock wave where the matter density drops by an
order of magnitude. Without matter (� = 0), neutrinos
would enter the instability strip at µ ⇠ 100, correspond-

FIG. 4: Contours for the growth rate  in km�1. Also shown
is the profile for our SN model. The vertical axis essentially
denotes the density, the horizontal axis the radius (µ / r�4).

Density matter profile

Flavor 
instability 
region

Stability analysis: Splits suppressed under certain conditions (e.g. high-matter potential).

Stationary & Spherically-Symmetric SN

  Sarikas, Raffelt, Huedepohl, Janka, PRL  (2012).



Real SN is Space-Time Dependent

Existing investigations are simplified case studies. Real SN may be different.

Flavor instabilities may occur when releasing symmetry assumptions. 
Caveats: Studies only within 1D/2D toy-models. Challenging numerical implementation.

• Breaking of axial symmetry. 
[Raffelt, Sarikas, de Sousa Seixas, PRL (2013)]
 

• Spatial and directional symmetry breaking (inhomogeneity). 
[Mirizzi et al., PRD (2015); Duan&Shalgar, PLB (2015); Hansen&Hannestad, PRD (2014), Chakraborty et al., JCAP (2016)]. 
 
• Temporal instability (non-stationarity). 
[Abbar & Duan, PLB (2015), Dasgupta & Mirizzi, PRD (2015)].

• Neutrino momentum distribution not limited to outward direction (nu halo). 
[Cherry et al., PRL (2012). Sarikas, Tamborra, Raffelt, Huedepohl, Janka, PRD (2012)]. 

• Large-scale 3D effects (SASI, LESA).
[Tamborra et al., PRL (2013) & ApJ (2014), Chakraborty et al., PRD (2015)].
• Fast flavor conversions close to the nu-sphere. 
[Sawyer, PRD (2005) & PRL (2016), Chakraborty, Hansen, Izaguirre, Raffelt, JCAP (2016)]. 

Some of these studies suggest flavor equipartition might occur already close to the SN core.



Simplified Picture of SN Fluxes at Earth
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Supernova Neutrino Detectors



Detectors Sensitive to SN Neutrinos

Recent review papers: Scholberg (2012). Mirizzi, Tamborra, Janka, Scholberg et al. (2016). 

Expected number of events for a SN at 10 kpc and dominant flavor sensitivity in parenthesis.
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IceCube

Main Technologies: Cherenkov Telescopes

SN detected in 
IceCube as 
correlated noise.

Main interaction channel: Inverse beta decay.

39.3 m

42 m

Super-Kamiokande

Georg Raffelt, MPI Physics, Munich Neutrinos in Astrophysics and Cosmology, NBI, 23–27 June 2014 

Neutrino Cross Section in a Water Target 

𝜈𝑒 + 𝑝 → 𝑛 + 𝑒+   dominates for SN neutrinos 
𝜈𝑒 + 𝑒 → 𝑒 + 𝜈𝑒    dominates for solar neutrinos 
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Main Technologies: Scintillators

JUNO

Channel Type
Events for different ⟨Eν⟩ values

12 MeV 14 MeV 16 MeV
νe + p → e+ + n CC 4.3 × 103 5.0× 103 5.7× 103

ν + p → ν + p NC 0.6 × 103 1.2× 103 2.0× 103

ν + e → ν + e ES 3.6 × 102 3.6× 102 3.6× 102

ν + 12C → ν + 12C∗ NC 1.7 × 102 3.2× 102 5.2× 102

νe + 12C → e− + 12N CC 0.5 × 102 0.9× 102 1.6× 102

νe + 12C → e+ + 12B CC 0.6 × 102 1.1× 102 1.6× 102

Table 4-1: Numbers of neutrino events in JUNO for a SN at a typical distance of 10 kpc, where ν
collectively stands for neutrinos and antineutrinos of all three flavors and their contributions are
summed over. Three representative values of the average neutrino energy ⟨Eν⟩ = 12 MeV, 14 MeV
and 16 MeV are taken for illustration, where in each case the same average energy is assumed
for all flavors and neutrino flavor conversions are not considered. For the elastic neutrino-proton
scattering, a threshold of 0.2 MeV for the proton recoil energy is chosen.
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Figure 4-2: The neutrino event spectra with respect to the visible energy Ed in the JUNO detector
for a SN at 10 kpc, where no neutrino flavor conversions are assumed for illustration and the
average neutrino energies are ⟨Eνe⟩ = 12 MeV, ⟨Eνe⟩ = 14 MeV and ⟨Eνx⟩ = 16 MeV. The main
reaction channels are shown together with the threshold of neutrino energies: (1) IBD (black and
solid curve), Ed = Eν − 0.8 MeV; (2) Elastic ν-p scattering (red and dashed curve), Ed stands
for the recoil energy of proton; (3) Elastic ν-e scattering (blue and double-dotted-dashed curve),
Ed denotes the recoil energy of electron; (4) Neutral-current reaction 12C(ν, ν ′)12C∗ (orange and
dotted curve), Ed ≈ 15.1 MeV; (5) Charged-current reaction 12C(νe, e−)12N (green and dotted-
dashed curve), Ed = Eν − 17.3 MeV; (6) Charged-current reaction 12C(νe, e+)12B (magenta and
double-dotted curve), Ed = Eν − 13.9 MeV.

coincident signal. Hence the charged-current reactions in Eqs. (4.2) and (4.3) provide a possibility
to detect separately νe and νe [179]. The cross section of neutrino interaction on 12C has been
calculated in Ref. [180] by using a direct evaluation of nuclear matrix elements from experimental
data at that time. Recent calculations based on the nuclear shell model and the random-phase
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Main Technologies: Liquid Argon

Chapter 5: Supernova Neutrino Bursts and Low-energy Neutrinos 5–76

5.1.3 Detection Channels and Interaction Rates in Liquid Argon

Liquid argon has a particular sensitivity to the ‹e component of a supernova neutrino burst, via
charged-current (CC) absorption of ‹e on 40Ar,

‹e +40 Ar æ e≠ +40 Kú, (5.2)

for which the observables are the e≠ plus de-excitation products from the excited Kú final state,
as well as a ‹̄e interaction and elastic scattering on electrons. Cross sections for the most relevant
interactions are shown in Figure 5.2.
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Figure 5.2: Cross sections for supernova-relevant interactions in argon [121, 122].

Neutral-current (NC) scattering on Ar nuclei by any type of neutrino, ‹x + Ar æ ‹x + Arú, is
another process of interest for supernova detection in LAr detectors that is not yet fully studied.
The signature is given by the cascade of de-excitation “s from the final-state Ar nucleus. A
dominant 9.8-MeV Arú decay line has been recently identified as a spin-flip M1 transition [123].
At this energy the probability of e+e≠ pair production is relatively high, o�ering a potentially
interesting neutral-current tag.

The predicted event rate (NC or CC) from a supernova burst may be calculated by folding expected
neutrino di�erential energy spectra in with cross sections for the relevant channels and with detector
response; this is done using SNOwGLoBES [122], which uses Icarus detector resolution [124] and
assumes a detection threshold of 5 MeV.

Table 5.1 shows rates calculated for the dominant interactions in argon for the “Livermore”
model [125] (no longer preferred, but included for comparison with literature), and the “GKVM”
model [126]; for the former, no oscillations are assumed; the latter assumes collective oscillation
e�ects (see Section 5.2). There is a rather wide variation — up to an order of magnitude —
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What Can We Learn From a SN Burst?



Early Alert and Pointing

http://snews.bnl.gov. 
Beacom & Vogel, PRD (1999). Tomas et al., PRD (2003). Fisher et al., JCAP (2015).  Muehlbeier et al., PRD (2013). 
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G-b, G-c, L-a, L-b, L-c. We use sin2(2Θ⊙) = 0.9 for the
solar neutrino mixing angle.

As reaction channels we use elastic scattering on elec-
trons νe− → νe−, inverse beta decay ν̄ep → ne+, and
the charged-current reaction νe + 16O → X + e−, while
neglecting the other, subdominant reactions on oxygen.
The cross sections for these reactions are summarized in
Appendix B. The oxygen reaction is included because
it provides the dominant background for the directional
electron scattering reaction in a detector configuration
with neutron tagging where the inverse beta reaction can
be rejected.

For the detector we assume perfect efficiency above an
“analysis threshold” of 7 MeV, and a vanishing efficiency
below this energy. The actual detector threshold may be
as low as 5 MeV. Though lowering the threshold increases
the ratio of elastic scattering events and the inverse beta
events, it also introduces a background from the neutral-
current excitations of oxygen (see Appendix B). In order
to avoid additional uncertainties from the cross section of
these oxygen reactions, we use the higher analysis thresh-
old. We have checked that the net improvement by low-
ering the threshold to 5 MeV is less than 10% in all cases.

We assume a fiducial detector mass of 32 kiloton of wa-
ter. Using the neutrino spectra and mixing parameters
from the six cases mentioned above, we obtain 250–300
electron scattering events, 7000–11500 inverse beta de-
cays, and 150–800 oxygen events. The ranges correspond
to the variation due to the six different combinations of
neutrino mixing scenarios and models for the initial spec-
tra.

The procedure of event generation is described in Ap-
pendix C. The angular resolution function of the Super-
Kamiokande detector does not follow a Gaussian distri-
bution, rather it is close to a Landau distribution that we
use for our simulation. In Fig. 4, the angular distribution
of ν̄ep → ne+ events (green) and elastic scattering events
νe− → νe− (blue) of one of the simulated SNe are shown
in Hammer-Aitoff projection, which is an area preserving
map from a sphere to a plane.

The position of the SN is estimated with the OMc
method. As explained in Sec. II, the optimal value of the
angular cut depends on the neutron tagging efficiency as
well as the neutrino spectra. We use a sharp cutoff with
30◦ opening angle for the OMc, which may not be opti-
mal, but is observed to be close to optimal in almost the
whole parameter range. For low values of εtag, the value
of the cut should be lowered whereas for large values of
εtag it should be increased by about 10◦. The optimal
cut depends also on the details of the detector properties
and neutrino spectra.

A histogram of the angular distances between the true
and the estimated SN position found in 40000 simulated
SNe for different neutron tagging efficiencies for the case
G-a is shown in Fig. 5. The histogram fits well the dis-
tribution

f(ℓ)dℓ =
1

δ2
exp

(

−
ℓ2

2δ2

)

ℓdℓ , (15)

FIG. 4: Angular distribution of ν̄ep → ne+ events (green)
and elastic scattering events νe− → νe− (blue) of one simu-
lated SN.

where ℓ is the angle between the actual and the estimated
SN direction, and δ is a fit parameter.

 0
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FIG. 5: Histogram of the angular distance ℓ of the esti-
mated SN direction to the true one for 40000 simulated SNe
with neutrino parameters corresponding to G-a and neutron
tagging efficiencies εtag = 0, 0.8 and 1. The fits using the
distribution in Eq. (15) are also shown.

Defining the opening angle ℓα for a given confidence
level α as the value of ℓ for which the SN direction esti-
mated by a fraction α of all the experiments is contained
within a cone of opening angle ℓ, we show in Fig. 6 the
opening angle for 95% C. L. for the six cases of neu-
trino parameters. Clearly, the pointing accuracy depends
weakly on the neutrino mixing scenario as well as the
initial neutrino spectra. Some salient features of this de-
pendence may be understood qualitatively as follows.

The signal events are dominated by νe. Indeed, nearly
half of the elastic scattering events are due to νe, whereas
the remaining half are due to the other five neutrino

SN detected within a cone of O(5 ) at Super-K
or via triangulation. 

SN location with nu’s crucial for vanishing or weak SNe.

Fundamental for multi-messenger searches.

o

Network to alert astronomers of a burst.

SuperNova Early Warning System (SNEWS)



Kachelriess et al., PRD (2005). Wallace, Burrows, Dolence, ApJ (2016). Serpico et al., PRD (2012).

Oscillation Physics and SN Distance

If mass ordering known:

• Determination of SN distance.  

• Test role of oscillations in dense media.  

Deleptonization peak is:

• Independent of progenitor mass and EoS

• Sensitive to mass ordering.

27

Figure 17. Similar to Figure 15, but using the neutrino oscillations expected for the IH instead of the NH.

Figure 18. Same as Figure 8, but for the IH case and with only Ln

⌫

e

,max

, t
max

, and t
rise,1/2

shown. For Hyper-K, the background signals
due to IBDs and NC scatterings o↵ of oxygen have been subtracted.

Figure 19. Same as Figure 18, but for Super-K in the IH case. For Super-K, the background signals due to IBDs and NC scatterings o↵
of oxygen have been subtracted.

(peak)

26

Figure 15. Similar to Figure 14, but for JUNO (left) and DUNE (right). For JUNO, IBDs and NC scatterings o↵ of carbon have been
subtracted. For DUNE, no signals from any detection channel have been subtracted.

Figure 16. Similar to Figure 14, but using the neutrino oscillations expected for the IH instead of the NH.

(no peak)

Neutrinos 

Rise time depends on mass ordering.

Test role of oscillations in dense media. 
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FIG. 3: Left Panel: average SN count rate signal in IceCube assuming a distance of 10 kpc, based on the simulations for a
15 M⊙ progenitor mass from the Garching group. Right panel: illustrative example of the binned signal using 2 ms bins with
typical Poisson error estimates accounting for the signal plus photomultiplier background noise, whose average value is shown
as dot-dashed curve. A large ϑ13 is assumed here and in the following (see text for details).

The difference between the observed neutrino lightcurve in the NH vs. IH is evident. Note how the NH case
continues to grow steadily over the considered timescale, while the IH signal reaches quite quickly an almost constant
count rate. In the case of IH, the lightcurve has a more sudden rise. Note that both luminosity behavior and trend of
growing energy of νe shown in Fig. 1 contribute to the final shape of the curves. Also, note that despite the relatively
large differences existing over very early timescales (10-20 ms, as already shown in [26]), one can already expect that
integrating the signal over a longer timescales will be needed to beat statistical errors.
It is useful to compare the analogous behaviors for the whole set of models, a task which will be made easier by

a(n irrelevant) rescaling to the rate measured at the end of the time interval considered, R(t)/R(tend). Also, for the
following statistical analysis, it is useful to introduce cumulative time distributions K(x), defined in terms of R(t) as

K(x) =

∫ x tend
0 dtR(t)
∫ tend
0 dtR(t)

, (11)

which is a dimensionless function satisfying K(0) = 0, K(1) = 1, with x ∈ [0, 1]. In Fig. 4, we illustrate the count
rate functions RA

i (t) and the cumulative functions KA
i (x) for the different models considered, with i = 1, . . . , N ≡ 10

labeling the simulation and A (or in general capital latin letters) being the index related to the hierarchy, i.e. A =NH
(red, bottom curves) or A =IH (blue, top curves). In particular, we used the nine 1D SN models shown in Fig. 1 and a
2D SN model with a 15 M⊙ progenitor mass. Note that the difference between the two hierarchies is a shape difference
(as should be clear already from Fig. 1), rather than a mere overall difference in average energies, for example, as in
some past proposals for SN physical diagnostics. Also note that this difference is quite independent of the progenitor
used (most notably of its mass) and, in agreement with expectations, do not show a significant dependence from the
dimensionality of the simulation either.

A. Metric in Function Space

We now turn to assigning a quantitative meaning to the distance among models. To that purpose, we must introduce
some metric in the function space. We choose the so-called D∞ metric, so that the distance between the predictions
(always a number between 0 and 1) writes:

D∞(KA
i ,KB

j ) = max
x∈[0;1]

∣

∣KA
i (x)−KB

j (x)
∣

∣ . (12)

This choice is solely dictated by the standard practice in experimental physics to use Kolmogorov–Smirnov statistic
(which uses that metric) to test whether two underlying one-dimensional distributions differ. We emphasize, however,

IceCube

Antineutrinos 



Supernova Explosion Dynamics

  Pagliaroli et al., PRL (2009), Halzen & Raffelt PRD (2009). Tamborra et al., PRL (2013), PRD(2014), Lund et al., PRD (2010).

Probe the core bounce time. 
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tum distribution to be axisymmetric around the radial
direction everywhere, implying that the neutrino fluxes
are radial. The detectable energy-dependent neutrino
emission from the hemisphere facing an observer is de-
termined with a post-processing procedure that includes
projection and limb-darkening effects [30]. We will use
the 27M⊙ model as our benchmark case because its prop-
erties have been published [15]. Details of the other two
simulations will be provided elsewhere [47].
Detector signal.—In the largest operating detectors,

IceCube and Super-K, neutrinos are primarily detected
by inverse beta decay, ν̄e+p → n+e+, through Cherenkov
radiation of the positron. We represent the neutrino
emission spectra in the form of Gamma distributions
[48, 49]. We estimate the neutrino signal following the
IceCube Collaboration [37], accounting for a ∼13% dead-
time effect for background reduction. We use a cross sec-
tion that includes recoil effects and other corrections [50],
overall reducing the detection rate by 30% relative to ear-
lier studies [20, 21, 51]. On the other hand, we increase
the rate by 6% to account for detection channels other
than inverse beta decay [37].
We assume an average background of 0.286 ms−1 for

each of the 5160 optical modules, i.e., an overall back-
ground rate of Rbkgd = 1.48× 103 ms−1, comparable to
the signal rate for a SN at 10 kpc. The IceCube data ac-
quisition system has been upgraded since the publication
of Ref. [37] so that the full neutrino time sequence will
be available instead of time bins.
IceCube will register in total around 106 events above

background for a SN at 10 kpc, to be compared with
around 104 events for Super-K (fiducial mass 32 kton),
i.e., IceCube has superior statistics. On the other hand,
the future Hyper-K will have a fiducial mass of 740 kton,
providing a background-free signal of roughly 1/3 the Ice-
Cube rate. Therefore, Hyper-K can have superior signal
statistics, depending on SN distance. In addition, it has
event-by-event energy information which we do not use
for our simple comparison.
Signal modulation in the 27M⊙ model.—To get a first

impression of the neutrino signal modulation we consider
our published 27M⊙ model [15], meanwhile simulated
until ∼550 ms. This model shows clear SASI activity at
120–260ms. At ∼220ms a SASI spiral mode sets in and
remains largely confined to an almost stable plane, which
is not aligned with the polar grid of the simulation. We
select an observer in this plane in a favorable direction
and show the expected IceCube signal in the top panel
of Fig. 1. One case assumes the signal to be caused by
anti-neutrinos emitted as ν̄e at the source, i.e., we ignore
flavor conversions. The other case takes into account
complete flavor conversion so that the signal is caused by
ν̄x, i.e., a combination of ν̄µ and ν̄τ . Both cases reveal
large signal modulations with a clear periodicity.
The first SASI episode ends abruptly with the accre-

tion of the Si/SiO interface, followed by large-scale con-
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FIG. 1: Detection rate for our 27 M⊙ SN progenitor, upper
panels for IceCube, bottom one for Hyper-K. The observer
direction is chosen for strong signal modulation, except for
the second panel (minimal modulation). Upper two panels:
IceCube rate at 10 kpc for ν̄e (no flavor conversion) and for
ν̄x (complete flavor conversion). The lower two panels include
a random shot-noise realization, 5ms bins, for the indicated
SN distances. For IceCube also the background fluctuations
without a SN signal are shown.

vection with much smaller and less periodic signal mod-
ulations (see also Figs. 1, 2, and 6 of Ref. [15]). After
about 410 ms, SASI activity begins again until the end
of our simulation. The signal modulation is now weaker,
partly owing to a lower SASI amplitude and partly to the
chosen observer direction being no longer optimal.
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overall reducing the detection rate by 30% relative to ear-
lier studies [20, 21, 51]. On the other hand, we increase
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providing a background-free signal of roughly 1/3 the Ice-
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our published 27M⊙ model [15], meanwhile simulated
until ∼550 ms. This model shows clear SASI activity at
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is not aligned with the polar grid of the simulation. We
select an observer in this plane in a favorable direction
and show the expected IceCube signal in the top panel
of Fig. 1. One case assumes the signal to be caused by
anti-neutrinos emitted as ν̄e at the source, i.e., we ignore
flavor conversions. The other case takes into account
complete flavor conversion so that the signal is caused by
ν̄x, i.e., a combination of ν̄µ and ν̄τ . Both cases reveal
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FIG. 1: Detection rate for our 27 M⊙ SN progenitor, upper
panels for IceCube, bottom one for Hyper-K. The observer
direction is chosen for strong signal modulation, except for
the second panel (minimal modulation). Upper two panels:
IceCube rate at 10 kpc for ν̄e (no flavor conversion) and for
ν̄x (complete flavor conversion). The lower two panels include
a random shot-noise realization, 5ms bins, for the indicated
SN distances. For IceCube also the background fluctuations
without a SN signal are shown.

vection with much smaller and less periodic signal mod-
ulations (see also Figs. 1, 2, and 6 of Ref. [15]). After
about 410 ms, SASI activity begins again until the end
of our simulation. The signal modulation is now weaker,
partly owing to a lower SASI amplitude and partly to the
chosen observer direction being no longer optimal.

Test of SN explosion mechanism. 

2

with tr = 6 ms, τr = 50 ms and Rmax
ν̄e

= 1.5 × 103 bin−1.
These parameters also provide an excellent fit to the first
100 ms of a numerical model from the Garching group [8]
that is available to us.

We may compare these assumptions with the early-
phase models of Ref. [7]. Lν̄e

rises nearly linearly to
L52 = 1.5–2 within 10 ms. The evolution of ⟨Eν̄e

⟩RMS =
(⟨E3

ν̄e

⟩/⟨Eν̄e
⟩)1/2 is also shown, a common quantity in

SN physics that characterizes, for example, the efficiency
of energy deposition; the IceCube rate is proportional
to ⟨Eν̄e

⟩2RMS. At 10 ms after onset, ⟨Eν̄e
⟩RMS reaches

15 MeV, implying ⟨E3
15⟩/⟨E15⟩ = 1. We thus estimate

10 ms after onset a rate of 280–370 bin−1, to be compared
with 270 bin−1 from Eq. (4). Therefore, our assumed sig-
nal rise is on the conservative side.

Of course, the early models do not fix τr and Rmax
ν̄e

separately; the crucial parameters are tr and Rmax
ν̄e

/τr.
The maximum rate that is reached long after bounce is
not relevant for determining the onset of the signal.

If flavor oscillations swap the ν̄e flux with ν̄x (some
combination of ν̄µ and ν̄τ ), the rise begins earlier be-
cause the large νe chemical potential during the prompt
νe burst does not suppress the early emission of ν̄x [7].
Moreover, the rise time is faster, ⟨E⟩RMS larger, and the
maximum luminosity smaller. We use Eq. (4) also for Rν̄x

with tr = 0, τr = 25 ms, and Rmax
ν̄x

= 1.0 × 103 bin−1.
Flavor oscillations are unavoidable and have been stud-

ied, for early neutrino emission, in Ref. [7]. Assuming
the normal mass hierarchy, sin2 Θ13

>
∼ 10−3, no collec-

tive oscillations,1 and a direct observation without Earth
effects, Table I of Ref. [7] reveals that the νe burst would
be completely swapped and thus nearly invisible because
the νxe− elastic scattering cross section is much smaller
than that of νe. The survival probability of ν̄e would be
cos2 Θ12 ≈ 2/3 with Θ12 the “solar” mixing angle. There-
fore, the effective detection rate would be 2

3 Rν̄e
+ 1

3 Rν̄x
.

We use this case as our main example.

IV. RECONSTRUCTING THE SIGNAL ONSET

A typical Monte Carlo realization of the IceCube signal
for our example is shown in Fig. 1. One can determine
the signal onset t0 within a few ms by naked eye. For a
SN closer than our standard distance of 10 kpc, one can
follow details of the neutrino light curve without any fit.

One can not separate the ν̄e and ν̄x components for
the example of Fig. 1. Therefore, we reconstruct a fit
with a single component of the form Eq. (4), assuming
the zero-signal background is well known and not fitted

1 In the normal hierarchy, collective oscillation effects are usually
absent. It has not been studied, however, if the early neutrino
signal can produce multiple splits that can arise also in the nor-
mal hierarchy [9]. Moreover, for a low-mass progenitor collective
phenomena can be important if the MSW resonances occur close
to the neutrino sphere [10, 11].
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FIG. 1: Typical Monte Carlo realization (red histogram) and
reconstructed fit (blue line) for the benchmark case discussed
in the text for a SN at 10 kpc.

here. Using a time interval until 100 ms post bounce,
we reconstruct t0 = 3.2 ± 1.0 ms (1σ). If we use only
data until 33 ms post bounce we find t0 = 3.0 ± 1.7 ms.
Indeed, if one fits Eq. (4) on an interval that ends long
before the plateau is reached, we effectively fit a second
order polynomial with a positive slope and negative sec-
ond derivative at tr, whereas the plateau itself is poorly
fitted and its assumed value plays little role. Depending
on the distance of the SN one will fit more or fewer details
of the overall neutrino light curve and there may be more
efficient estimators for tr. Our example only provides a
rough impression of what IceCube can do.

The reconstruction uncertainty of t0 scales approxi-
mately with neutrino flux, i.e., with SN distance squared.
The number of excess events above background marking
the onset of the signal has to be compared with the back-
ground fluctuations. Therefore, a significant number of
excess events above background requires a longer integra-
tion period if the flux is smaller, explaining this scaling
behavior.

The interpretation of t0 relative to the true bounce
time depends on the flavor oscillation scenario realized in
nature. This is influenced by many factors: The value of
Θ13, the mass ordering, the role of collective oscillation
effects, and the distance traveled in the Earth. Com-
bining the signal from different detectors, using future
laboratory information on neutrino parameters, and per-
haps the very coincidence with a gravitational-wave sig-
nal may allow one to disentangle some of these features.
However, as a first rough estimate it is sufficient to say
that the reconstructed t0 tends to be systematically de-
layed relative to the bounce time by no more than a few
ms. The statistical uncertainty of the t0 reconstruction
does not depend strongly on the oscillation scenario.

Coincidence measurement with GW detectors. 

Complementary measurements with GW detectors. 



 Duan et al., J. Phys. G (2011). Pllumbi, Tamborra et al., ApJ (2015). Wu et al., PRD (2015).

Nucleosynthesis
Location of r-process nucleosynthesis (origin elements with A >100) unknown. 

Figure 9: Shows final abundances Y versus mass number A for simulations with no neutrino oscilla-
tions (green) and single-angle (red) and full multiangle (blue) oscillation calculations, both assuming
an inverted hierarchy. Scaled solar abundances (crosses) and the results of a simulation with neutrino
interactions turned off at T9 ∼ 9 (yellow) are shown for comparison. All four simulations use the
late-type density profile with entropy s/k = 200 and initial timescale τ = 18 ms.
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no oscillations

Coupling of oscillation codes to nucleosynthesis networks recently begun. 

Recent work suggests unlikely r-process 
conditions in SNe, but further work needed. 

Flavor oscillations affect element production mainly via 

Neutrino flavor oscillations and neutrino-driven wind nucleosynthesis 3

(see Hüdepohl et al. 2010 for further details5). In the cho-
sen model, the accretion phase ends already at a postbounce
time of tpb ∼ 0.2 s when neutrino heating drives the expansion
of the postshock layers and powers the explosion. The subse-
quent deleptonization and cooling of the PNS were followed
for ∼ 10 s.
In order to perform the network calculations for the nu-

cleosynthesis in the neutrino-driven wind, we use 98 ejecta
trajectories. Figure 1 shows the time evolution of the dis-
tance r from the center of the PNS (top panel), temperature
T (middle panel), and matter density ρ (bottom panel) for
these mass-shell trajectories as functions of tpb. The outflow
evolution of 7 of the 98 trajectories, corresponding to ini-
tial times t0 = 0.5, 1, 2, 2.9, 4.5, 6.5, 7.5 s (t0 being measured
when the temperature T0 = 9 GK), is highlighted with dif-
ferent colors. We adopt these seven trajectories as represen-
tative of the cooling evolution of the PNS to discuss the im-
pact of neutrino oscillations (with and without an additional
light sterile neutrino) on the nucleosynthesis in the ν-driven
wind. The total ejecta mass of the 98 mass-shell trajectories
is M98 = 1.1 × 10−2M⊙.
In the network, 6300 species are included between the

proton-drip line and neutron-drip line, up to the Z = 110 iso-
topes (see Wanajo et al. 2009, for more details). All the im-
portant reactions such as νe(n, p)e−, ν̄e(p, n)e+, (n, γ), (p, γ),
(α, γ), (p, n), (α, n), (α, p), and their inverse ones are taken
into account. The νe and ν̄e capture rates on free neutrons and
protons are calculated as in Horowitz & Li (1999) and thus in-
clude recoil and weak magnetism corrections. The neutrino-
induced reactions on heavy nuclei are not included since they
have negligible effects (Meyer et al. 1998). The nucleosyn-
thesis calculations start when the mass-shell temperature de-
creases to 9 GK, with an initial composition of free neutrons
and protons with number fractions of 1 − Ye and Ye, respec-
tively.

3. ELECTRON FRACTION EVOLUTION
The matter in a fluid element moving away from the PNS

will experience three stages of nuclear evolution. Near the
surface of the PNS, the temperature is so high that the matter
is in nuclear statistical equilibrium (NSE) and nearly all of
the baryons are in the form of free nucleons. As the material
flows away from the PNS, it cools. When the temperature is
T < 1 MeV, α particles begin to assemble to form heavier
nuclei by ααn, 3α reactions, and subsequent captures of α
particles and free nucleons.
Together with the entropy and the expansion time, a basic

quantity defining the conditions for element formation (and
eventually the r-process) is the excess of initially free n or p
expressed by the electron fraction Ye. It is locally defined as
the ratio of the net electron (electrons minus positrons) num-
ber density, Ne, to the sum of proton number density Np and
neutron number density Nn:

Ye(r) =
Ne(r)

Np(r) + Nn(r)
= Xp(r) +

Xα(r)
2
+

∑

ZA>2

ZA(r)
A(r)

XA(r) ,

(1)
where Xp, Xα, and XA are the mass fractions of free pro-
tons (p), α particles, and heavy elements (ZA > 2) as func-
tions of the radius. The charge and the mass numbers of
5 Model Sf 21 is analog to model Sf of Hüdepohl et al. (2010) but was

computed with 21 energy bins for the neutrino transport instead of the usual
17 energy groups.

the heavy nuclear species are ZA and A, respectively. In all
neutral media, Ye = Yp and Yn = 1 − Ye, with Yj being the
number density of free or bound particle species j relative to
baryons. The lower Ye is, the more the environment is neu-
tron rich, and thus the more favorable it is for the r-process
to occur (e.g., Hoffman et al. 1997). On the other hand, Ye >
0.5 implies that p-rich nuclei could be formed through the
νp−process (Fröhlich et al. 2006a; Pruet et al. 2006; Wanajo
2006).
Having in mind the overall evolution of abundances with

radius and time and assuming that the reactions of neutrinos
on nuclei are negligible, the n/p ratio in the wind ejecta is set
by β-interactions of electron neutrinos (νe) and electron an-
tineutrinos (ν̄e) with free n and p and their inverse reactions:

νe + n! p + e− , (2)
ν̄e + p! n + e+. (3)

Therefore the Ye evolution depends on the energy distribu-
tions of νe and ν̄e. Modifications of the neutrino emission
properties, such as the energy spectra, due to flavor oscilla-
tions could significantly change the n/p ratio and thus Ye in
the wind.
Because of slow time variations of the outflow conditions

during the PNS cooling phase, a near steady-state situa-
tion applies (Qian & Woosley 1996) and the rate-of-change
of Ye within an outflowing mass element can be written as
in McLaughlin et al. (1996):

dYe
dt
= v(r)

dYe
dr
≃ (λνe + λe+ )Y fn − (λν̄e + λe− )Y fp , (4)

with v(r) being the velocity of the outflowing mass element,
λi the reaction rates, and Y fn,p the abundances of free nucleons.
In the free streaming limit with neutrinos propagating radi-

ally, the forward reaction rates of Eqs. (2,3) can be written in
terms of the electron (anti)neutrino emission properties:

λνe ≃
Lνe

4πr2⟨Eνe⟩
⟨σνe⟩ , (5)

λν̄e ≃
Lν̄e

4πr2⟨Eν̄e⟩
⟨σν̄e⟩ , (6)

where Lνe and Lν̄e are the luminosities of νe and ν̄e respec-
tively, ⟨Eνe⟩ and ⟨Eν̄e⟩ the mean spectral energies6. The νe and
ν̄e capture cross sections of the forward reactions (2,3), av-
eraged over the corresponding νe and ν̄e energy spectra, are
⟨σνe⟩ and ⟨σν̄e⟩, respectively. Including the weak magnetism
and recoil corrections, the average neutrino capture cross sec-
tions are (Horowitz & Li 1999):

⟨σνe⟩ ≃ k
〈
Eνe

〉
ενe

⎡
⎢⎢⎢⎢⎢⎣1 + 2

∆

ενe
+ aνe

(
∆

ενe

)2⎤⎥⎥⎥⎥⎥⎦Wνe , (7)

⟨σν̄e⟩ ≃ k
〈
Eν̄e

〉
εν̄e

⎡
⎢⎢⎢⎢⎢⎣1 − 2

∆

εν̄e
+ aν̄e

(
∆

εν̄e

)2⎤⎥⎥⎥⎥⎥⎦Wν̄e , (8)

with k ≃ 9.3 × 10−44 cm2/MeV2, εν = ⟨E2ν⟩/⟨Eν⟩ (ν =
νe, ν̄e), aν = ⟨E2ν⟩/⟨Eν⟩2, M the nucleon mass in MeV, and
∆ = 1.293 MeV the neutron-proton mass difference. The
weak magnetism and recoil correction factors are given by

6 ⟨Enν ⟩ ≡
∫
Enν f (Eν) dE, where f (Eν) is the normalized (anti)neutrino en-

ergy spectrum. The energy spectrum which we use will be described in
Sect. 4.



Synopsis: What Can We Learn?

Signal independent on SN 
mass and EoS. 

• SN distance.
• (Test oscillation physics.)

Figure 4-1: Three phases of neutrino emission from a core-collapse SN, from left to right: (1) Infall,
bounce and initial shock-wave propagation, including prompt νe burst. (2) Accretion phase with
significant flavor differences of fluxes and spectra and time variations of the signal. (3) Cooling of
the newly formed neutron star, only small flavor differences between fluxes and spectra. (Based on a
spherically symmetric Garching model with explosion triggered by hand during 0.5–0.6 ms [168,169].
See text for details.) We show the flavor-dependent luminosities and average energies as well as
the IBD rate in JUNO assuming either no flavor conversion (curves ν̄e) or complete flavor swap
(curves ν̄x). The elastic proton (electron) scattering rate uses all six species and assumes a detection
threshold of 0.2 MeV of visible proton (electron) recoil energy. For the electron scattering, two
extreme cases of no flavor conversion (curves no osc.) and flavor conversion with a normal neutrino
mass ordering (curves NH) are presented.
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EoS and mass dependence.

• Test nuclear physics. 
• Nucleosynthesis.
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Signal has strong variations 
(mass, EoS, 3D effects). 

• Core collapse astrophysics.
• (Test oscillation physics.)
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extreme cases of no flavor conversion (curves no osc.) and flavor conversion with a normal neutrino
mass ordering (curves NH) are presented.
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Pre-Supernova Neutrinos

Neutrinos are emitted also before the SN explosion. 

Neutrino emission is most efficient cooling process after He burning (                       ).L⌫ ' 1047 erg/s

9

is evidence for the ignition of the O shell burning. In 50
minutes before the last step, we also see slight decreases
in both rates, assigned by the right blue arrow. The ν̄e
emission rate and the detected emission rate decrease by
factors of 1.1 and 1.3, respectively. This corresponds to
the ignition of the Si shell burning. The trend of these
decreases is similar to the 15 M⊙ model.

In the 20 M⊙ model, the ν̄e emission rate is generally
larger than the 15 M⊙ model and the neutrino emission
rate has some properties different from the other stellar
models. We see the decrease in the emission rate is seen
by a factor of 1.2 at 0.9 days before the last step (the
left green arrow in the top panel). However, the steep
increase in the detected ν̄e emission rate is not seen at
that time (the left green arrow in the bottom panel). The
ν̄e emission rate slightly decreases at 6.5 and 2.4 hours
before the last step (see the center and right arrows in
each panel). The corresponding decreases of the detected
ν̄e emission rate are small. This seems to be due to dif-
ferences of burning processes in the advanced evolution.
In the 20 M⊙ model, the convective shell of the O shell
burning before the Si core burning extended to 1.5 M⊙

and the oxygen in this region has been exhausted. The
Si shell grows up to 1.59 M⊙ when the Si core burning
ended. Then, the O shell burning occurs in the region of
Mr ! 1.6M⊙. However, this burning scarcely prevents
the core contraction and, thus, the neutrino emission rate
scarcely decreases. We do not see the decrease in the cen-
tral temperature at this time. We note that, in the 12
and 15M⊙ models, the O and Si-enriched region remains
outside Mr ∼ 1.36M⊙ even after the Si core burning and,
then, the O shell burning in this region is stronger. The
decrease at 2.4 hours before the last step corresponds
to the Si shell burning. The Si shell burning occurs at
Mr ∼ 0.7M⊙ that is deeper than the 12 and 15 M⊙ mod-
els. We consider that stronger Si shell burning prevents
decreasing the neutrino emissivity.

We show the time evolution of the average ν̄e energy
⟨ϵν⟩ of these three models in Fig. 12. Before the Si core
burning, all models indicate the average energy with less
than ∼ 1 MeV. When the Si core burning ignites, the
neutrino emission from the center increases and the aver-
age energy becomes large for the 12 and 15 M⊙ models.
The average energy of the 20 M⊙ model also increases
more steeply than before, although the steepness is less
than the less massive models. The average energy during
the Si core burning is lower for more massive star mod-
els. As shown in Fig. 1, the evolution track of the more
massive one passes through a lower density and higher
temperature path. The average ν̄e energy is higher in
higher density for a given temperature. Thus, we con-
sider that lower density structure of more massive star
provides lower average ν̄e energy during the Si burning.
The average energy becomes small during the O shell
burning. The main region of the neutrino emission is the
O burning shell, where the temperature and density is
lower than the center. During the Si shell burning to
collapse, we do not see clear dependence on the stellar
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FIG. 12. Time evolution of the average ν̄e energy of the 12
(blue line), 15 (red line), and 20 (green line) M⊙ models.

mass. This is partly due to the difference of the con-
traction time scale in these models. For a given central
temperature after the ignition of the Si shell burning, the
average energy is smaller for more a massive model.
We showed that the time evolution of the neutrino

emission rate and the detected neutrino emission rate
from the Si core burning to the core collapse is influ-
enced by burning processes in the central region of mas-
sive stars. The ignition of the Si core burning raises the
average ν̄e energy and the neutrino detectability. The
onset of O and Si shell burnings decreases the neutrino
emission rate as well as the neutrino detectability for a
moment. The stellar mass dependence of the above burn-
ing processes brings about the dependence of the neutrino
properties from preSN stars.

IV. EVALUATION OF NEUTRINO EVENTS BY
NEUTRINO OBSERVATORIES

We investigate the neutrino event rate and the total
events by current and future neutrino detectors. Cur-
rent and most future neutrino detectors mainly detect ν̄e
signals through p(ν̄e, e+)n reaction. So, we evaluate the
neutrino events through this reaction. In this study, we
assume that the distance of a preSN star is 200 pc. This
distance corresponds to the distance to Betelgeuse.
When we investigate the neutrino events of preSN

stars, we need to consider the flavor change by the
Mikheyev-Smirnov-Wolfenstein (MSW) effect during the
passage of the stellar interior. The flavor change mainly
occurs at resonance layers. In preSN stars, the fla-
vors change at the high (H) and low (L) resonances
[e.g., 35, 36]. The adiabaticity and, thus, the transi-
tion probability depend on the mixing angles. Recent
neutrino experiments confirmed that the mixing angle
sin2 θ13 ∼ 0.02 [37–40] and the large sin2 θ13 value in-
dicates adiabatic flavor change at the both resonances.
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be 0.5. Black numbers indicate the energy value of both of
νe and ν̄e. Red and blue numbers indicate the values of the
corresponding contours of νe and ν̄e, respectively.

ature. The average energy of νe is larger than that of
ν̄e. When the electron degeneracy is small, the difference
of the average νe energy and ν̄e energy is small. The
difference becomes larger for larger electron degeneracy.
The higher νe energy is due to the fact that the forward
emission of νe against electrons is favored in the pair neu-
trino process [33]. In the temperature range of the Si core
burning (9.5 ! log TC ! 9.6) the average ν̄e temperature
is less than the threshold energy 1.8 MeV of p(ν̄e, e+)n
reaction.

III. PROPERTIES OF NEUTRINOS EMITTED
FROM PRESUPERNOVA STARS

A. 15 M⊙ model

The evolution of the central core during the final stage
is qualitatively in common among 12–20 M⊙ stars. We
present neutrino spectra and the structure in five differ-
ent stages listed in Table II in the 15 M⊙ model.

1. Time evolution of neutrino emission

First, we show the contributions of the neutrino emis-
sion processes adopted in the 15 M⊙ stellar evolution
models to the energy loss by neutrinos. Figure 4 shows
the time variation of the neutrino luminosity by the above
neutrino emission processes from the central Ne burning
to the collapse. Pair neutrino process dominates the neu-
trino luminosity for most of the advanced stellar evolu-
tion. For last several minutes, the luminosity of weak in-
teraction reactions of nuclei exceeds that of pair neutrino
process. Note that pair neutrino process produces all fla-
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FIG. 4. Time evolution of neutrino luminosity until the on-
set of the core-collapse (log TC = 9.8) of the 15 M⊙ model.
The dotted line indicates the total luminosity. Red, blue,
pink, green, and orange lines are the contributions of pair
neutrinos, photo neutrinos, neutrino Bremsstrahlung, plasma
neutrinos, and weak interactions of nuclei. Triangle and rect-
angle correspond to the ignition and termination of the Si
core burning, respectively.

vors of neutrinos. However, weak interactions of nuclei
mainly produce νe because electron captures rather than
β−-decays occur in the collapsing iron core. Since cur-
rent neutrino detectors such as KamLAND and Super-
Kamiokande mainly detect ν̄e events through p(ν̄e, e+)n
reaction, the main sources of the neutrino events from
preSN stars will be pair neutrinos. Investigating proper-
ties of neutrinos produced through weak interactions of
nuclei is beyond the scope of this study.

Next, we show the time evolution of the pair neutrino
emission rate. The top panel of Fig. 5 shows the time
evolution of the emission rate for ν̄e and ν̄µ,τ produced
through pair neutrino process. Note that the neutrino
emission rate of ν̄µ,τ is the sum of the rates of ν̄µ and
ν̄τ . The neutrino emission rates increase with time for
most of the time because the star gradually contracts and
the temperature in the central region rises. On the other
hand, the rates decrease temporally when the main burn-
ing process changes. The Si core burning ignites before
point (a). The O shell burning starts between points (b)
and (c). The Si shell burning around Mr ∼ 1M⊙ starts
at a time just before point (d). At the ignitions of the Si
core burning, the O shell burning, and the Si shell burn-
ing, the ν̄e emission rate decreases by factors of 1.2, 1.6,
and 1.1, respectively.

The neutrino event rate is determined by the multi-
ple of the neutrino emission rate and the neutrino cross
section. Most current and future neutrino detectors de-
tect ν̄e from preSN stars through the p(ν̄e, e+)n reaction.
Therefore, it is useful to evaluate the quantity consider-
ing the weight of the neutrino cross section to the neu-
trino emission rate. We consider the rate dNν̄ασν/dt of

Total

Contributions from 
various reactions

15 M�

 Yoshida et al., arXiv: 1606.04915.



Pre-Supernova Neutrinos

Pre-supernova neutrinos are detectable and tell us that a supernova is exploding. 
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FIG. 19. Same as Fig. 13 but for the detection using delayed signals by Gd-loaded Hyper-Kamiokande.
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FIG. 20. Expected neutrino events per hour detected using
delayed signals by Super-Kamiokande with Gd (top panel)
and neutrino events per 10 minutes by Hyper-Kamiokande
with Gd (bottom panel) in 24 hours prior to a SN explosion of
the 15 M⊙ model. Red and blue bins indicate the cases of the
normal and inverted mass hierarchies. The green horizontal
line is the event number for the unit interval of the significance
more than 3σ (see text for details).

hours before the explosion for Super-Kamiokande. The
peak is expected to be detectable in the normal mass hi-
erarchy. The neutrino events could be identified even in
the inverted mass hierarchy. Combined with the obser-
vations by other neutrino detectors such as JUNO, we
will confirm the time evolution of the neutrino events. In
Hyper-Kamiokande, we could see a peak at 17 hours be-
fore the explosion more clearly and another peak around
one hour before the explosion. These peaks appear just
before the ignitions of the O shell burning and the Si shell
burning. They are above 3σ background events even in
the inverted mass hierarchy. Thus, the time evolution
of the neutrino events could constrain burning processes
during the final evolution of massive stars.
The observation using delayed neutrino signals by

Hyper-Kamiokande with Gd is a powerful tool to observe
preSN neutrinos. With this method, thousands of preSN
neutrino events are expected. Although we do not show
the SN alarm by Hyper-Kamiokande with Gd because of
rough estimation of the background, we expect that the
SN alarm earlier than JUNO and KamLAND is possi-
ble. After the investigation of the signal to noise ratio
in Hyper-Kamiokande, we will discuss the possibility of
long period preSN neutrino observations.

F. DUNE

Deep Underground Neutrino Experiment (DUNE) is
a neutrino experiment proposed in the United States
[52]. The main characteristic of this experiment is ob-
serving electron neutrinos using a massive liquid argon
time-projection chamber. Four detectors with the fidu-
cial mass of 10 kton will be constructed until around
2028, so the total fiducial mass is planned to be 40
kton. DUNE detector observes charged-current (CC) and
neutral-current reactions of 40Ar and electron scatter-
ings. A charged current reaction 40Ar(νe, e−)40K∗ has
the threshold of 1.5 MeV and its cross section is the
largest among the reactions.

NH

Gd-Super-K IH
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FIG. 15. Expected neutrino events per one hour detected by JUNO in 30 hours prior to a SN explosion. Left panel shows the
15 M⊙ model and right panel shows the 20 M⊙ model. Red and blue lines indicate the cases of the normal and inverted mass
hierarchies. Dashed and dash-dotted green lines indicate the background events per hour in high and low reactor phases.

C. JUNO, RENO-50, and LENA

There are planned and proposed neutrino experiments
using large size liquid scintillation detectors. JUNO in
China [19] and RENO-50 in Korea [20] have plans for
constructing 20 and 18 kton size detectors, respectively.
LENA in Europe has a plan of the construction of a 50
kton size detector [47]. These detectors will enable to
raise the neutrino detectability owing to the large size
comparably to the Super-Kamiokande and the low en-
ergy threshold similar to KamLAND. If these neutrino
experiments operate, the observed events of preSN neu-
trinos will increase drastically.
Here, we will evaluate preSN neutrino events by these

detectors based on the current proposals of JUNO [19].
JUNO observes electron antineutrinos through p(ν̄e, e+)n
as a prompt reaction and n(p, γ)d as a delayed reaction
similar to KamLAND. The fiducial mass is 20 kton and
the corresponding target proton number is 1.5 × 1033.
The detection efficiency from the fiducial mass to reduce
the background is 0.79 (see Table 2-1 in [19]). In this
case, the event number is expected to be 34 times as
large as in KamLAND with average detection efficiency.
When reactor neutrino experiments are conducted

in JUNO, neutrinos from reactors become background
against preSN neutrinos. The background during reactor
neutrino experiments is estimated to be 60 events per day
[19]. When the reactors are turned off, the background is
estimated to be 3.8 events per day [19]. So, we consider
that the background neutrino events are 63.8 and 3.8 for
high- and low-reactor phases. These events correspond
to 2.66 and 0.16 events per hour. The number of neu-
trino events with the significance more than 3σ is nine
and three.
The event number of preSN neutrinos by JUNO is es-

timated from the result of KamLAND (see Fig. 13) and
the ratio of the target proton numbers. We show the
event number by JUNO for seven days before the SN

explosion in Table III. The event number by RENO-50
and LENA is also calculated using the ratio of the fidu-
cial mass and is listed in Table III. We expect hundreds of
preSN neutrino events will be observed by these neutrino
observatories.
We show the expected neutrino events per one hour de-

tected by JUNO in 30 hours prior to the SN explosions of
the 15 and 20 M⊙ models in Fig. 15. We see a minimum
of the neutrino events around ten hours prior to the ex-
plosion in the 15 M⊙ model. The minimum value is less
than five and the maximum event number prior to the
minimum is about ten. This minimum corresponds to
the decrease in the high energy neutrino emission due to
the ignition of the O shell burning after the termination
of the Si core burning. In the case of the 12 M⊙ model,
there is a peak with eight (four) events in the normal
(inverted) mass hierarchy at about sixteen hours before
the explosion. The event number per hour becomes a
minimum around ten hours before the explosion. Since
the peak height is smaller than the 15 M⊙ model, it is
more difficult to observe it.
We also see a minimum of the neutrino events around

seven hours prior to the explosion in the 20 M⊙ model.
This change is less prominent than the 15 M⊙ model but
still we would recognize the change of burning processes
in the central region. The 20 M⊙ model indicates weak
neutrino emission from the O shell. Thus, we could ob-
serve the evolution of burning processes in the central
region of collapsing stars through the preSN neutrino
events and could constrain shell burnings after the Si
core burning.
We present the time evolution of the neutrino events

just before the SN explosion. Figure 16 shows the ex-
pected neutrino events for ten minutes detected by JUNO
for two hours prior to the explosion in the 15 M⊙ model.
We see a minimum of the event around 50 minutes be-
fore the explosion but the difference of the event num-
ber at the maximum around 70 minutes is small. This

JUNO

 Yoshida et al., arXiv: 1606.04915.
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Diffuse Supernova Neutrino Background

★ Detectable     flux at the Earth 
   (mostly from z ~ 1)

★ Test of supernova astrophysics

★ New frontiers for neutrino astronomy

⌫̄e

Georg Raffelt, MPI Physics, Munich ISAPP 2011, 4/8/11, Varenna, Italy 

Diffuse Supernova Neutrino Background (DSNB) 

Beacom & Vagins,   
PRL 93:171101,2004  

detection window

Galactic supernova (SN) rare, but SN explosions are quite common.
On average 1 SN/s somewhere in the universe          Diffuse neutrino background (DSNB).

Recent review papers: Beacom (2010). Lunardini (2010). Mirizzi, Tamborra et al. (2016). 
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supernova rate cosmology

oscillated neutrino flux
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Supernova RateSupernova Neutrinos: Production, Oscillations and Detection

Fig. 40. – Cosmic supernova rate as a function of the redshift. The SFRs from [56, 468] are
shown as continue lines after extrapolating the SNR from the SFR as from Eq. (62), assuming
that progenitors with mass 8 M�  M  50 M� produce optical SNe. Measured SNRs from
recent work are also shown. (Reprinted figure with permission from [466]; copyright (2012) by
the American Astronomical Society.)

might also be that the fraction of “invisible” SNe (i.e., not optically visible SNe) increases
with the redshift [465,469].

The SNR estimation will hopefully further improve within the next few years. In
fact SNR measurements will come from synoptic surveys which will scan the full sky
and probe the SN population with high sensitivity (see, e.g., discussion in Ref. [470] and
references therein). Such surveys are expected to pin down the error on the normalization
of the SNR and, as a consequence, on the DSNB normalization. On the other hand, note
that the forthcoming detection of the DSNB could provide independent constraints on
the SFR [471].

5

.1.2. Time and progenitor dependence of the neutrino energy fluxes. The dependence
of the DSNB on neutrino oscillation physics and SN progenitors has been discussed
in Ref. [473]. As shown in Sec. 2 and Fig. 37, the neutrino luminosities and spectra
depend on the compactness of the progenitor star [472]. Moreover, the luminosities of
the di↵erent flavors are almost equal during the cooling phase, while L⌫

e

, L⌫̄
e

> L⌫
µ,⌧

during the accretion phase. The mean energies are hE⌫̄
e

,⌫
µ,⌧

i > hE⌫
e

i during the cooling
phase (see Fig. 9 and Sec. 2.4).

Concerning the neutrino oscillation scenario (see Sec. 4), while the MSW e↵ect is well
understood analytically and it occurs far away from the neutrinosphere, neutrino self-
interactions crucially depend on the initial hierarchy among neutrinos of di↵erent flavors,
number of energy crossings and on the neutrino mass hierarchy. During the accretion
phase (tpb  1 s), complete or partial multi-angle matter suppression of neutrino self-
interactions occurs because of the high matter potential [333,334,336,337]. While during

87

Figure from Dahlen et al., ApJ (2012).



Redshift Correction

total

z=0-1
z=1-2

detection energy 
window

z=2-3

The energy redshift correction accumulates neutrinos of higher redshift at lower energies. 



DSNB Detection Perspectives
The DSNB has not been observed yet. Most stringent limits from Super-Kamiokande (SK):

 Super-Kamiokande Collaboration, Astropart. Phys. 60 (2015) 41. Nakazato, Mochida, Niino, Suzuki, ApJ 804 (2015) 1, 75.
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SPECTRUM OF THE SUPERNOVA RELIC NEUTRINO BACKGROUND AND
METALLICITY EVOLUTION OF GALAXIES

Ken’ichiro Nakazato1, Eri Mochida1, Yuu Niino2, and Hideyuki Suzuki1

March 5, 2015

ABSTRACT

The spectrum of the supernova relic neutrino (SRN) background from past stellar collapses includ-
ing black hole formation (failed supernovae) is calculated. The redshift dependence of the black hole
formation rate is considered on the basis of the metallicity evolution of galaxies. Assuming the mass
and metallicity ranges of failed supernova progenitors, their contribution to SRNs is quantitatively
estimated for the first time. Using this model, the dependences of SRNs on the cosmic star formation
rate density, shock revival time and equation of state are investigated. The shock revival time is intro-
duced as a parameter that should depend on the still unknown explosion mechanism of core collapse
supernovae. The dependence on equation of state is considered for failed supernovae, whose collapse
dynamics and neutrino emission are certainly affected. It is found that the low-energy spectrum of
SRNs is mainly determined by the cosmic star formation rate density. These low-energy events will
be observed in the Super-Kamiokande experiment with gadolinium-loaded water.
Subject headings: diffuse radiation — galaxies: evolution — neutrinos — supernovae: general

1. INTRODUCTION

Since the creation of the Universe, many generations of
stars have been born and died. During the cosmic evolu-
tion, stars eject synthesized elements by stellar winds or
explosions such as supernovae, and the ejecta are mixed
with the interstellar gas. Therefore, the mass fraction of
elements heavier than carbon (metallicity), Z, increases
gradually with the cosmic time. Meanwhile, many neu-
trinos are emitted from core collapse supernova (CCSN)
explosions of massive stars and accumulate to give a dif-
fuse background radiation that is redshifted owing to cos-
mic expansion. These neutrinos are called the supernova
relic neutrino (SRN) background, or the diffuse super-
nova neutrino background (DSNB) in some papers.
Neutrinos emitted from a supernova have actually

been detected for SN1987A (e.g., Hirata et al. 1987;
Bionta et al. 1987; Alexeyev et al. 1988). In the obser-
vation of SRNs, on the other hand, terrestrial neutrino
detectors are affected by various backgrounds such as
solar neutrinos, reactor neutrinos, atmospheric neutri-
nos and contamination by cosmic muon events, radio
activity events and so forth. However, some observa-
tional upper bounds for the flux of SRNs have been
reported (e.g., Malek et al. 2003). Roughly speaking,
all species of neutrinos (νe, ν̄e, νµ, ν̄µ, ντ , ν̄τ ) are
equally emitted from a supernova with average energies
of ∼10 MeV. Nowadays, SRNs with ν̄e of approximately
20 MeV are expected to be observable in running exper-
iments. The most stringent limits reported for ν̄e flux
were obtained in the Super-Kamiokande experiment as
<0.1-1 cm−2 s−1 MeV−1 for neutrino energies between
17.3 MeV and 30.8 MeV (Bays et al. 2012) and in the

nakazato@rs.tus.ac.jp
1 Department of Physics, Faculty of Science & Technology,

Tokyo University of Science, 2641 Yamazaki, Noda, Chiba 278-
8510, Japan

2 Division of Optical & Infrared Astronomy, National Astro-
nomical Observatory of Japan, 2-21-1 Osawa, Mitaka, Tokyo
181-8588, Japan

Fig. 1.— 90% C.L. differential upper limits on ν̄e flux of SRNs.
The squares, circles and triangles are results for Super-Kamiokande
(SK-I/II/III, Bays et al. 2012), Super-Kamiokande with a neutron-
tagging (SK-IV, Zhang et al. 2015) and KamLAND (Gando et al.
2012). Dashed and dotted lines correspond to our theoretical mod-
els with maximum and minimum values of SRN event rate, respec-
tively (see also Table 3).

KamLAND experiment as <10-100 cm−2 s−1 MeV−1

between 8.3 MeV and 18.3 MeV (Gando et al. 2012).
Super-Kamiokande derived a new upper limit of <5-
30 cm−2 s−1 MeV−1 for energies between 13.3 MeV
and 17.3 MeV by performing a new analysis with a
neutron-tagging technique (Zhang et al. 2015). In Fig-
ure 1, we show the upper limits for ν̄e flux with the-
oretical estimations presented later in this paper. For
νe flux, the SNO experiment obtained an upper limit of
70 cm−2 s−1 MeV−1 for energies between 22.9 MeV and
36.9 MeV (Aharmim et al. 2006). These observational
upper limits are larger than various theoretical predic-
tions (e.g., Ando & Sato 2004; Beacom 2010, and refer-
ences therein). Nevertheless, the Super-Kamiokande up-
per limit is reasonably close to the predictions; thus, it is
expected that SRNs will be observed in the near future.
Cosmic metallicity evolution has been proven by obser-

vations of galaxies (e.g., Maiolino et al. 2008, hereafter
M08). Recently, the correlation between the metallic-
ity and the star formation rate (SFR) of galaxies has



DSNB Detection - Next Generation

Georg Raffelt, MPI Physics, Munich Massive Neutrinos, NTU, Singapore, 9–13 Feb 2015 

JUNO Sensitivity to DSNB 

JUNO Yellow Book, in preparation 2015 

10 year data 
17 kt fiducial 

Reactor 𝜈𝑒 

Fast Neutrons 

CC atm 𝜈𝑒 

Sum backgrounds 

JUNO Collaboration, arXiv: 1507.5613. Beacom&Vagins, PRL 93 (2004) 171101.

JUNO detection perspectives

Neutron tagging in Gd-enriched  WC detector 
(Super-K with 100 tons Gd to trap neutrons).
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Failed Supernovae

Probably higher abundance of failed 
SNe than previously thought. The DSNB 
can probe fraction of failed SNe.                  

Ertl et al., ApJ (2016). Gerke, Kochanek, Stanek, MNRS (2015). Horiuchi et al., MNRSL (2014). Ugliano et al., ApJ 
(2012). O’Connor & Ott, ApJ (2011). O’Connor, ApJ (2015).

Core compactness non-monotonic 
function of progenitor mass.                  

Black hole formation for                  and 
sometimes for                           .                   

⇠2.5 > 0.35
0.15 < ⇠2.5 < 0.35
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Figure 10. Neutrino observables from a failed CCSN simulation of a 40 M� progenitor star from Woosley & Heger (2007) evolved with the LS220 EOS. We
show the neutrino luminosity (left panel) and the neutrino average energy (right panel). In both panels, the curves corresponding to electron neutrinos are shown
as solid black lines, electron antineutrino curves are shown as dashed red lines, and heavy-lepton neutrino curves are shown as a dashed-dotted blue line. Note the
luminosities and average energies presented here are those as measured in the lab frame at 500 km. The lapse function at 500 km is ↵⇠0.99, therefore very little
additional redshifting will take place as the neutrinos travel to infinity. This is different than Fig. 6 where the luminosities are measured in the fluid (or comoving)
frame for the sake of comparison. In order to compute the neutrino average energy in the lab frame we use the fluid frame value (where the energies are defined)
and convert to the lab frame via h✏ilab = h✏ifluidW (1 + v). Protoneutron star collapse to a black hole occurs at ⇠537 ms, due to the finite neutrino transport time,
the last ⇠1.7 ms of the neutrino signal has not yet reached the observer at 500 km.

the neutrino energies also increase.
With GR1D’s neutrino leakage scheme we found a black

hole formation time of 561 ms and a maximum protoneutron
star gravitational (baryonic) mass of ⇠ 2.31M� (⇠2.44 M�)
(O’Connor & Ott 2011). With our neutrino transport
methods we find a black hole formation time of ⇠537 ms
(⇠24 ms before the leakage calculation) and a maximum pro-
toneutron star gravitational (baryonic) mass of ⇠2.251 M�
(⇠2.377 M�). These results are remarkably close and confirm
our previous work that the progenitor structure, and not details
of the neutrino physics, is the determining factor in black hole
formation properties (O’Connor & Ott 2011). Our leakage
scheme was unable to reliably predict the total neutrino emis-
sion. However, with our transport scheme we can make a reli-
able prediction on the total energy and neutrino number emit-
ted from this particular failed supernova (i.e. for a progeni-
tor matching the 40 M� star from Woosley & Heger (2007)
with the LS220 EOS). We find a total neutrino number emis-
sion of ⇠ 2.56⇥ 1057, ⇠ 2.33⇥ 1057, and ⇠ 4.03⇥ 1057, for
electron neutrino, electron antineutrino, and all four heavy-
lepton neutrinos, respectively. The total energy emission is
⇠ 54.4⇥1051 erg, ⇠ 47.6⇥1051 erg, and ⇠ 80.6⇥1051 erg for
electron neutrino, electron antineutrino, and all four heavy-
lepton neutrinos, respectively. Summed, this corresponds to
⇠ 182.6⇥1051 erg or equivalently ⇠ 0.102M� of mass. The
remaining difference between the gravitational mass and the
baryonic mass (⇠ 0.02M�) was present in the initial progen-
itor model. We note that while this simulation corresponds to
a failed supernova, it only radiates ⇠50% of the energy ex-
pected to be radiated in successful CCSNe. The rest of the
binding energy released during the collapse is still trapped in
the matter (either as thermal energy or trapped neutrinos) at
the point when the protoneutron star begins its collapse.

6. CONCLUSIONS

Neutrinos play a crucial, if not dominant, role in reviving
the stalled accretion shock that forms after the iron-core col-
lapse of an evolved massive star. In order to achieve an accu-
rate and self-consistent treatment of neutrinos in core collapse

simulations one has to consider several important aspects of
the problem. Deep in the protoneutron star, the mean free
path of neutrinos is very small. However, by the time the neu-
trinos reach 50-130 km, the opacity has decreased enough so
that the neutrinos are essentially decoupled from the matter
and are free streaming. This transition region is between the
optically thick and optically thin region and is very important
to capture correctly since it is where the net neutrino heating
takes place. Another critical aspect of the problem that must
be considered is the strong energy dependence of the neutrino
interaction rates. This leads to neutrinos of different energies
decoupling at different densities and radii and therefore any
self-consistent treatment must be done in an energy depen-
dent way.

For the hydrodynamic evolution in the CCSN problem we
do not have to deal with these issues because the matter par-
ticles are always in thermodynamic equilibrium. We can
completely ignore the momentum dependence of the parti-
cles (other than the net value) and just solve the hydrody-
namic conservation laws for mass, energy, momentum in one,
two, or three spatial dimensions (plus time). Since neutri-
nos in CCSNe are not always in thermodynamic equilibrium,
we cannot apply the same techniques for neutrino transport.
This makes the symmetry free problem not three dimensional
(plus time) but rather a six dimensional problem (plus time).
Simulating this six dimensional system at the resolution we
need to capture all the essential physics of the CCSN cen-
tral engine is not feasible with current computational power,
so some approximations must still be made. In this paper,
we reduced the dimensionality of the problem by removing
the angular dependence from the neutrino distribution func-
tion and instead evolved moments of the neutrino distribution
function–the total energy, and the total momentum. In this
sense, our approximation is very much like the approximation
made to derive the hydrodynamic equations. The equivalent
to the matter pressure is the Eddington tensor. We applied an
analytic closure in order to derive this Eddington tensor. We
retained the energy dependence of the neutrino distribution
function. This reduces the symmetry free problem to four di-
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Fig. 4.— Compactness ⇠2.5 versus ZAMS mass for the s2002 (left) and s2013 progenitor series (plus MZAMS < 15 M� models) with exploding (red bars) and
non-exploding (gray bars) cases for all calibrations. The s2002 results for the s19.8 calibration agree well with Ugliano et al. (2012). Blue vertical and horizontal
lines indicate the values of the progenitors used for the calibrations.

(2012) are the following:

• The possibility of an explosion is coupled closely to
the progenitor-dependent strength and evolution of the
post-bounce accretion. This is achieved not only by tak-
ing into account the accretion luminosity through the
approximate neutrino transport scheme but also through
the response of the PNS-core to the presence of a hot
accretion mantle. The evolution of the latter is explic-
itly followed in our hydrodynamic simulations, which
track the accumulation of the collapsing stellar matter
around the inner PNS core. The existence of the man-
tle layer enters the analytic core model in terms of the

parameter macc for the mass of this layer and the corre-
sponding accretion rate ṁacc.

• The inner 1.1 M� core of the PNS is cut out and re-
placed by a contracting inner grid boundary and a corre-
sponding boundary condition in our model. This inner
core is considered to be the supranuclear high-density
region of the nascent NS, whose detailed physics is still
subject to considerable uncertainties. This region is re-
placed by an analytic description, whose parameters �,
Rc(t), and n (see Ugliano et al. 2012) are set to the
same values for all stars. This makes sense because the
supranuclear phase is highly incompressible, for which

⇠M =
M/M�

R(M)/1000 km



★ Constraints on the stellar population. Independent test of the global SN rate.

★ Constraints on the fraction of core-collapse and failed supernovae. 

★ Constraints on the neutrino emission properties.

★ Exotic physics and background modeling for direct dark matter experiments. 

4

trum of events. With the reduced background allowed
by Gadolinium, 3� significance in the single bin would
be achieved with about 12 Mt·yr exposure, with a lower
exposure needed if a spectral fit is done.

To summarize, the di↵use flux of neutrinos from failed
supernovae may be significant, at a level detectable at
SuperKamiokande or at Mt scale detectors. While con-

clusions are limited by uncertainties, it is hoped that this
letter will serve as a motivation for the development of
more realistic predictions of the di↵use flux, which would
be of great service to the experimental community.

I thank H.T. Janka, A. Mezzacappa and O. L. G. Peres
for useful discussions, and ASU and RBRC for support.
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Conclusions

• Neutrinos play a fundamental role in SNe.

• Intriguing neutrino features in SN simulations at the 3D frontier.

• Neutrino-neutrino interactions are not negligible. Work still needed to grasp their role. 

• Each SN phase offers different opportunities to learn about SN (and nu) physics.  

• Realistic perspectives to learn about SNe through the DSNB in the next future.



Thank you for your attention!
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